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INTRODUCTION 

In the past five years or zo progress in both elementary particle 
physics and in cosmology has become increasingly dependent upon the 
interplay between the two disciplines. On the particle physics aide, the 
SU(31, x SU(2)L x UC1 )y model seems to very accurately describe the 
interactions of quarks and leptons at energies below, say, 10’ GeV. At 
the very least, the so-called standard model is a satisfactory, 
effective low energy theory. The frontiers of particle physics now 
involve energies of much greater than lOa GeV--energies which are not 
now available in terrestrial accelerators, nor are ever likely to be 
available in terrestrial accelerators. For this reason particle 
physicists have turned both to the early Universe with its essentially 
unlimited energy budget (up to 10 I9 CeV) and high particle fluxes (up to 
1O’O’ cm-* s-*1, and to various unique, contemporary astrophysical 
environments (centers of main sequence stars where temperatures reach 
10’ K, neutron stars where densities reach lo’*-10” g cm-‘, our galaxy 
whose magnetic field can impart 10” GeV to a Dirac magnetic charge, 
etc.) as non-traditional laboratories for studying physics at very high 
energies and very short distances. 

On the cosmological side, the hot big bang model, the 80 called 
standard model of cosmology, seems to provide an accurate accounting of 
the history of the Universe from about lo-’ s after ‘the bang’ when the 
temperature was about 10 MeV, until today, some lo-20 billion years 
after ‘the bang’ and temperature of about 3 K (= 3 x 10-l’ GeV). 
Extending our understanding further back, to earlier time8 and higher 
temperatures, requires knowledge about the fundamental particles 
(presumably quarks and leptons) and their interactions at very high 
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energies. 2or this reason, >rogresa in cosmology has become linked to 
progress in elementary particle physics. 

In these 4 lectures I will try to illustrate the two-way nature of 
the interplay between these fields by focusing on a few selected topics. 
In Lecture 1 I will review the standard cosmology, especially 
concentrating 5n primordial nucleosynthesia, and discuss how the 
stanaard cosmology has been used to place constraints on the properties 
of various particles. Grand Unification makes two striking predictions: 
(1) B non-conservation; (2) the existence of stable, superheavy magnetic 
monopoles. 30th have had great cosmological impact. In Lecture 2 I will 
discuss baryogenesia, the very attractive scenario in which the B, C, CP 
violating interactions in GUTS provide a dynamical explanation for the 
predominance of matter over antimatter, and the present baryon-to-photon 
ratio. Baryogenesis is so coamologically attractive, that in the absence 
of observed proton decay it has been called ‘the beat evidence for some 
kind of unification.’ Monopoles are a cosmological disaster, and an 
astrophysicist’s delight. In Lecture 3 i will discuss monopolea. 
cosmology, and astrophysics. To date, the most important ‘cOSmOlOgiCa1 
payoff’ of the Inner Space/Outer Space connection is the inflationary 
Universe scenario. In the final lecture I will discuss how a very early 
(t < lo-‘* first-order 
spontaneous 

set), phase transition associated with 
symmetry breaking (SSB) has the potential to explain a 

handful of very fundamental cosmological facts --which can be 
accommodated by the standard cosmology, but are not elucidated by it. By 
selecting just a few topics I have left out some other. very important 
and exciting ones--e.g., galaxy formation and the role ~of exotic debris 
from the early Universe (massive neutrinos, axions, other-inos. strings 
to mention a few type= OP interesting debris), 
aupersymmetry/aupergravity/Kaluza-Klein models and cosmology, and 
axions, astrophysics. and cosmology. I refer the interested reader to 
references 1-3. 

LECTURE 1 -- THE STANDARD COSMOLOGY 

The hot big bang model nicely accounts for the universal (Hubble) 
expansion, the 2.7 K cosmic microwave background radiation, and through 
primordial nucleosynthesis, the abundances of D, *He and perhaps also 
‘He and ‘Li. Light received from the most distant objects observed (QSOs 
at redshifts = 3.5) left these objects when the Universe was Only a few 
bill?on years Old, and so observations of QSOa allow us to directly 
probe the history of the Universe to within a few billion years of ’ the 
bang’. The surface of last scattering for the microwave background i8 
the Universe about 100,000 yrs after the bang when the temperature was 
about l/3 eV. The microwave background is a foaail record of the 
Universe at that very early epoch. In the standard cosmology an epoch of 
nucleosyntheals takes place from t = low2 a - 10’ s when the temperatUre 
was = 10 MeV - 0.1 MeV. The light elements synthesized, primarily D, 
‘He, *He, and ‘Li, are relics from this early epoch, and comparing their 
predicted big bang abundances with their inferred primordial abundances 
is the moat stringent teat of the standard cosmology we have at present. 
[Note that I must say inferred primordial abundance because Contemporary 
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astrophysical pPOCeS.SeS can aFfect the abundance of these light 
isotopes, e.g., stars very efficiently burn D, and produce *He.] At 
present the standard cosmology passes this test with flying colors (as 
we shall see shortly). 

On the large..scale (>> 100 Mpc), the Universe is isotropic and 
homogenous, and SO it can accurately be described by the 
Robertson-Walker line element 

ds’--dt2+R(t)*[dr2/(l-kr’)+r’ dBZ+r2 sin’ ade*], Cl.11 

where ds* is the proper separation between two spacetime events, k - 1, 
0, or -1 is the curvature signature, and R(t) is the cosmic scale 
factor. The expansion of the Universe is embodied in R(t)--as R(t) 
increase3 all proper (i.e., measured by meter sticks) distances scale 
with R(t), e.g., the distance between two galaxies comoving with the 
expansion (i.e., fixed 8, 

:‘RCt)L 
41, or the wavelength OF a 

Freely-propagating photon (A The k > 0 spacetime has positive 
spatial curvature and is finite in extent; the k < 0 spacetime has 
negative spatial curvature and is infinite in extent; the k = 0 
spacetime is spatially Flat and is also infinite in extent. 

The evolution of the cosmic scale Factor is determined by the 
Friedmann equations: 

HZ : (R/R)’ - aTop/ - k/R', (1.2) 

d(pR') - -p d(R’), (1.3) 

where p is the total energy density and p is the pressure. The expansion 
rate H (also called the Hubble parameter) sets the characteristic time 
for the growth of R(t); H-’ = e-Folding time for R. The present value of 
H is 100 h kms-’ Mpc-’ = h (lOlo yr)-I; the observational data strongly 
Suggest that 1 2 h 1 l/2 (ref. 4). As it is apparent from Eqn. 1.2 model 
Universes with k ( 0 expand forever, while a model Universe with k > 0 
must eventually recollapse. The sign of k (and hence the geometry of 
spacetime) can be determined From measurements of p and H: 

k/H2R2 = p/(3H2/8nG) - 1, (1.4) 

1 n - 1, 

where D = p/p 
surve~f6~ “f;tZqZfF6& *t?H2itZZcily’ .a’ 

h* x lo-*’ gcmS3. The 
cosmic determine p is far beyond our 
capabilities (i.e., weigh a cube of cosmic material 10” cm on a side!). 
However, based upon the amount of luminous matter (i.e., baryons in 
stars) we can set a lower limit to n: D 2 * 
limit to u follows by considering the age o M 

= 0.01. The best upper 
he Universe: 

5l = 10" yr h-' f(n), (1.5) 

where 
= 213). 

f(D) 2 1 and is monotonically decreasing (e.g., f(O) = 1 and F(1) 
The ages of the oldest stars ( in globular clusters) strongly 

suggest that elJ 2 lOLo yr; combining this with Eqn. 1.5 implies that: 
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;if’!n) > nh’. The function Of2 is monotonically increasing and 
asymptot?cally approaches (n/Z)‘, implying that independent of h, Qhz 5 
2.5. Restricting h to the interval (l/2, 1) it follows that: nh’ < 0.8 

The energy density contributed by nonrelativistic matter varies as 
x(t) -‘--due to the fact that the number density of particles iS diluted 
by the increase in the proper (or physical) volume of the Universe as-it 
expands. For relativistic particles the energy density varies as R(t) , 
the extra factor of R due to the redshifting OF the particle’s momentum 
(recall A a R(t)). The energy density contributed by a relativistic 
species (T >> m) at temperature T is 

P = geFFnZT*/30, (1.6) 

where g is the number of degrees of freedom for a bosonlc species, 
and 7/8fehat number for a fermionic species. Note that T = R(t)-'. Here 
and throughout I have taken ?l = c = k GeV = 
:0-l* cm)-’ = (1.16 x 10” K) - , G=m 

-il.97 x 
Cm = 

1.22 x 10” GeV). and 1 GeV* = 2.32 x 10” g cm-‘. SY the way, p1 1 l?;ht 
year = 10” cm; 1 PC = 3 light year; and 1 Mpc = 3 x 10zb cm = 1.6 x 
10” cev-‘. 

Today, the energy density contributed by relativistic particles 
(photons and 3 neutrino species) is negligible: pr,el = 4 x lo-’ h-a 
(T/2.7 K)‘. However R-1. early on 

Fez R/R(today) < 4 x relativistic 
lo- (Oh’)-’ 
(T/2.7 K)' 
Universe was 
term varies 
contributed 

(Tj2.7 K)*. which corresponds to t < 4 x 10’0 s (Rh’)-’ 
and T > 6 eV (nh2)(2:7 K/T)‘, the energy 
dominated by relativistic particles. Since 

as R(t)-*. it too was small compared to the 
by relativistic particles early on, and 

density OF the 
the curvature 
energy density 

so Eqn. 1.2 
simpl,if ies to: 

H E (R/R) = (4n3 g,/45) “’ T2/m 
Pl’ 

= 1.66 g, ‘I’ TZ/m 
Pl’ 

(valid for t ( loI s, T >- 10 eV). 

Here gr counts the total number of effective degrees of 
the relativistic particles (i.e., those species with mass 

g* = Z gi(Ti/T)* + 7/g 
Bose 

Z gi(Ti/T)* , 
Fermi 

(1.7) 

Freedom OF all 
<< T): 

(1.8) 

where T. is the temperature of species i, gnd T is the photon 
tempera ure. t For example: 
(Y. e*, 3 Vv); 

g,(3 K) = 3.36 iYio3 vv); g*(few MeV) = 10.7,; 
g,(few loo Gev) = 110 (Y, w , 8 gluons. 3 families 

quarks and leptons, and 1 Higgs doublet). 

If thermal equilibrium is maintained, then the second Friedmann 
equation, Eqn. 1.3 - conservation of energy, implies that the entropy 
per comoving volume (a volume with Fixed r, 8, e coordinates) S a sR’ 
remains constant. Here s is the entropy density, which is dominated by 
the contribution From relativistic particles, and is given by: 
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S = (P + p)/T = 2~’ g, T3/45. (1.9) 

The entropy density 
relativistic particles. 

s itself is proportional to the number density of 

the absence of 
So long as the expansion is adiabatic (i.e., in 

entropy 
fiducials. For e~xample, 

production) S (and s) will prove to be useful 

effectively 
at low energies (E << lOI* GeV) baryon number is 

conserved, and so the net baryon number per comoving volume 

“b’“Y is the baryon-to-photon ratio, which as we shall soon 
known 

see, is 
from primordial nucleosynthesis to be in the range: 4 x 10-l’ ( 

2 7 x lo-lo. The fraction of the critical density contributed by baryoni 
(fib) iS related to n by: 

‘b = 3.53 x IO-’ (n/10-“)h-‘(T/2.7 K)‘. (1 .lO) 

Whenever gx = constant, the constancy of the entropy 
volume implies that T a R-‘; together with Eqn. 1.7 this git:i 

comov ing 

R(t) - R(to)(t/to)“‘~ 

t = 0.3 gi-l’r m pl/T2, 

= 2.4 x lo-' s g,-1’2 (T/CeV)-*, 

valid For t 5 10” s and T >- 10 eV. 

(1.11) 

(1.12) 

Finally, let me mention one more important feature of the standard 
cosmology, the existence of particle horizons. 
signal could have propagated since the 

The distance that a light 
bang is and 

compute. Photons 
Finite, easy to 

travel on paths characterized by ds2 - 
Simplicity (and without loss of generality) consider a 

0; For 

da = de = 0. 
trajectory with 

bang’ 
The coordinate distance covered by this photon since ‘the 

(measurisd a”t”time ?) of 
Itdt’/R(t’), corresponding to a physical distance 

dH(t) - R(t) I; dt’/R(t’) (1.13) 

- t/(1 - n) Cfor R = t”, n < 11. 

IF R a t” (n < 1). then the horizon distance is Finite and = t = 
Note that 

H-’ D 
even 

radius H-l 
if d (t) diverges (e.g., if R (i- tn. n >_ I), 

still sets !! 
the Hubble 

he scale for the horizon’. 
physical 

‘physics Since all 
lengths scale with R(t), they e-fold in a time of O(H-I). Thus 

a coherent microphysical process can only operate over a time interval < 
O(H-‘), implying that a causally-coherent microphysical process can only 
operate over distances 5 O(H-I). 

During the radiation-dominated epoch n - l/2 and 
baryon number and entropy within the horizon 

dH - 2t; the 

computed: 
at time t are easily 

‘HOR - (4rr/3) t.3 5, 
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= 0.05 g,-“’ (mpl/T)‘; (1.14) 

NB-HOR - (n,/s) x SHOR’ 

= lo-‘* (rnpl/T)‘; (1.15a) 

= loo-? M3(T/MeV)-‘; (1.15b) 

<where I have assumed that nD/s has remained constant and has the value = 
10-10. A solar mass (Ma)) of baryons is = 1.2 x 10” baryons (or 2 x 10” 
kc). 

Although our verifiable knowledge of the early history of the 
Universe only takes us back to t = lo-’ s and T = 10 MeV (the epoch of 
primordial nucleosynthesis), nothing in our present understanding of the 
laws of physics suggests that it is unreasonable to extrapolate back to 
times as early as = lo-” s and temperatures as high as = lOi GeV. At 
high energies the interactions of quarks and leptons are aSymptOtiCally 
free (and/or weak) justifying the dilute gas approximation made in Eqn. 
1.6. At energies below 10’9 CeV quantum corrections to General 
Relativity are expected to be Small. I hardly need to remind the reader 
that ‘reasonable’ does not necessarily mean ‘correct’. Making this 
extrapolation, I have summarized ‘The Complete History of the Universe’ 
in Fig. 1.1. [For more complete reviews of the standard cosmology I 
refer the interested reader to refs. 5 and 6.1 

Primordial Nucleosynthesis 

At present the most stringent test of the standard cosmology i3 big 
bang nucleosynthesis. Here I will briefly review primordial 
nucleosynthesis, discuss the concordance of the predictions with the 
observations, and mention one example of how primordial nucleosynthesis 
has been used as a probe of particle physics--counting the number of 
light neutrino species. 

The two fundamental assumptions which underlie big bang 
nucleosynthesis are: the validity of General Relativity and that the 
Universe was once hotter than a few MeV. An additional assumption 
(which, however, necessary) 

follows like l-2-3. 

Frame 1: t z 10e2 set, T = 10 MeV. The energy- density of the 
Universe is dominated by relativistic species: Y, e e . v,G,,(i - e, P, 
I,... ); g, = 10.75 (assuming 3 neutrfno species). Thermal ;q;l;fb;i;m;is 
maintained by weak interactions (e + e +* v. + v., e 
e- + P +* n + ve) as well as electromagnetic interac ions k (e + + e- e-b “C 
+ Y, Y + p ++ Y + p, etc. ) both of which are occurring rapidly 
compared to the expansion rate H - i/R. Thermal equilibrium implies that 
T -T 
rztio an ;I 

and that n/p - exp(-Am/T); here n/p is the neutron to prOtOn 
Am - m - m . No nucleosynthesis is occurring yet because of 

the tiny equil?briu I% abundance of D: nD/nb = n exp(2.2 MeV/T) = lo-“, 
where nb, nD, and nY are the baryon, deuterium, and photon number 



Fig. 1.1 ‘The Complete History of the Universe’. Highlights 
Include: decoupling (t = 10” s, T = l/3 eV) - the 
surface of last scattering for the cosmic mICrOwave 
background, epoch after which matter and radiation cease 
to interact and matter ‘recombines’ into neutral atoms 
CD, ‘He. ‘He. ‘Li) i also marks the beginning of the 
formation of structure; primordial nucleosynthesis (t = 
lo-’ s. T = 10 HeV) - epoch during which all of the free 
neutrons and some of the Pee protons are synthesized 
into D, ‘He, ‘He, and ‘Li. and the surface Or last 
scattering fbr the cosmic neutrino backgrounds; 
quarkjhadron transition (t = lo-' s. T = few 100 HeV) - 
epoch of ‘quark enslavement’ [confinement transition in 
SU(3)]; w-S-Gepoch associated with electroweak breaking, 
SU(2) x U(l) + U(1); GUT epoch (?? t = TO-” 3, T = 10” 
cd??) - SSB of the CUT. during which the baryon 
asymmetry or the Universe evolves, monopoles are 
produced, and ‘inflation’ may occur: the 
Quantum Gravity Wall (t -lo-” s, T’l~O”’ CeV). 



densities, and 2.2 MeV is the binding energy of the deuteron. This iS 
the so-called deuterium bottleneck. 

Frame 2: t = 1 set, T = 1 MeV. At about this temperature the weak 
cnteraction rates become slower than the expansion rate and thus weak 
interaction3 effectively cease occurring. The neutrinos decouple and 
thereafter expand adiabatically (T or R-l). This epoch is the surface of 
last scattering~for the neutrinos: ‘detection of the cosmic neutrino seas 
,xould allow us to directly view the Universe as it was 1 set after ‘the 
bang’. From this time forward the neutron to proton ratio no longer 
’ tracks’ its equilibrium value, but instead ‘freezes out’ a value = l/6, 
very slowly decreasing, due to occasional free neutron decays. A little 
bit later (T = m,/3) the e+ pairs annihilate and transfer their entropy 
to the photons, heating the photons r lative to the neutrinos, SO 
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that 

from this point on T = (‘I/11)’ ‘T . The ‘deuterium bottleneck’ 
continues to operate, prgventing nucleos:“thezis. 

Frame 3: t = 200 sec. T = 0.1 MeV. At about this temperature the 
‘deuterium bottleneck’ breaks [n /” = n exp(2.2 MeV/T) = 11, and 
nucleosynthesis begins in earnest. E zz8”tially all the neutron3 present 
(n/p = l/7) are quickly incorporated first into D, and then into *He 
nuclei. Trace amounts of D and ‘He remain unburned; substantial 
nucleosynthesis beyond *He is prevented by the lack of stable i3OtoPeS 
with A = 5 and 8, and by coulomb barriers. A small amount of ‘Li is 
synthesized by *He(t, y)‘Li (for n < 3 x 10-i’) and by *He('He, Y)'Be 
followed by the eventual g-decay oP ‘Be to ‘Li (for n 2 3 x 10-'")- 

The nucleosynthetic yields depend upon n, ‘NV (which I will use to 
parameterize the number of light (5 1 MeV) species present, other than Y 
and e*), and in principle all the nuclear reaction rates which go into 
the reaction network. In practice, most of the rates are known to 
sufficient precision that the yields only depend upon a few rates. ‘He 
product ion depends only upon n, N and T,,~. the neutron half-life. 
,which determines the rates for all thg’weak processes which interCOnVert 
neutrons and protons. The mazz fraction Y of 

P 
*He produced increases 

monotonically with increasing values of n, Nv, and T,,~ - a fact which 
is simple to understand. Larger n means that the ‘deuterium bottleneck' 
breaks earlier, when the value of n/p is larger. More light species 
(i.e., 
(G/1) jarger 

value of Nv) increases the expansion rate (Since H = 
while a larger value of T,,~ means slower weak interaction 

rates (a T’,* -I) - both effects cauze the weak interactiOnS to freeze out 
earlier, when n/p is larger. The yield of *He is determined by the n/p 
ratio when nucleosynthesiz commences, Y 
higher n/p ratio means more ‘He is synthegized. 

= z("/p)/(l + n/p). so thato; 
At present the value 

the neutron halP-life is only known to an accuracy of about 2%: Tl,I - 
10.6 min f: 0.2 min. Since u and known 
measurements) to be light. fi 1 2 vbJ are (from laboratory 

galaxies, n is known to be L 0.3"~ 10 
:,tased upon the luminous matter in 

. If all the mass in binary 
galaxies and small groups of galaxies (as inferred by dynamical 
measurements) is baryonic, then n must be 2 2 x lo-". 

To an accuracy of about 10%. the yields of D and ‘He only depend 
upon n, and decrease rapidly with increasing n. Larger n corresponds t0 
a higher nucleon density and earlier nucleoaynthezlz, which in turn 
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Fig. 1.2 The predicted primordial abundances oP D. 'He, 'He, and 
'Li. 
ATI I 

[Note T,,~ - 10.6 min w8.e used; error bar show 

6 
- f 0.2 min; Y - mass of 'He: N - equivalent 

num er of light n&rho species.1 In&redpr~rdial 
abundances: Y 
10-c; 

= 0.23-0.25; (D/H)> 1 x 10-I; CD + He)/H < 
'Li/H = (1.1 f 0.4) x lo-io. Concordance requires: 

rl = (4-7) X lo-lo and NV ( 4. 
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Fig. 1.3 The predicted primordial abundance of 'He. Note that Y 
increases nfth increasing values of T,,*. n, and N ? 
Hence lower bounds to n and =, ,_ and an uocer bound to y 
imply an upper bound to Nv. Taking T,,= =-iO.4 min. II >_ 1 
x 10 I0 (based on D + 'He production). and Yp ( 0.25, it 
follows that NV must be 5 4. 
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lesults in less 0 and 'He remaining unprocessed. 3ecause of large 
uncertainties in the 
'Li, 

rates of some reaction8 which create and destroy 
the predicted primordial abundance of 'Li is only accurate to 

-*ithin about a factor of 2. 

In 1946 Gamow' suggested the idea of primordial nucleosynthesis. In 
1953, Alpher, Follin, and Herman' all but urote a code to determine the 
?rinord ial production of 'He. Peebles* (in 1966) 1 n d Wagoner, Fowler, 
and .Lioyle'Q (in 1967) wrote codes to calculate the primordial 
abundances. Yahil and 3eaudet" (in 1976) independently developed a 
nucleosynthesis code and also extensively explored the effect of large 
lepton number (n 
1373 code" has" 

- n; = O(n,)) on primordial nucleosynthesis. Wagoner'8 
become the ' standard code' for the standard model. In 

1981 the reaction rates were updated by Olive et al.", the only 
significant change which resulted was an increase in the predicted 'Li 
abundance by a factor of O(3). In 1982 Dicus et al." corrected the weak 
rates In ilagoner' 3 1973 code for finite temperature effects and 
radiative/coulomb corrections, ,which led to a systematic decrease in Y 
Of about '3.003. Figs. 1.2, 1.3 show the predicted abundances of D, 'Hey 
" S e , and 'Li, as calculated by the most up to date version of Wagoner' 3 
;973 code." The numerical accuracy of the predicted abundances is about 
14.. Now let me discuss how the predicted abundances compare with the 
observational data. [This discussion is a summary of the collaborative 
work in ref. 15.1 

The abundance of D has been determined in solar system studies and 
in UV absorption studies of the local interstellar medium (ISM). The 
Solar system determinations are based upon measuring the abundances of 
deuterated molecule3 in the atmosphere 
pre-solar (i.e., 

of Jupiter and inferring the 
at the time of the formation of the solar system) D/H 

ratio from meteoritic and solar data on the abundance of 'He. These 
determinations are consistent with a pi-e-solar value of 

x 10-s. 
(D/H) = (2 k 

: 12) An average ISM value for (D/H) = 2 x 10m5 has been derived 
from UV absorption studies of the local ISM with 
Individual 

(5 few 100 pc). 
measurements spanning the range (1 - 4) x 10e5. Note that 

these measurements are consistent with the solar system determinations 
of D/H. 

The deuteron being very weakly-bound is easily destroyed and hard 
t0 produce, and to date, it has been difficult to find an astrophysical 
Site where D can be produced in its observed abundance." Thus, it is 
generally accepted that the presently-observed deuterium abundance 
provides a lower bound to the primordial abundance. Using (D/H) > 1 
lo-' it follows that n must be less than about lo-' in ordep For thz 
prediction8 of primordial nucleosynthezis to be concordant with the 
observed abundance of D. [Note: because of the rapid variation of (D/H) 
with n. this upper bound to n is rather insensitive to the precise lowed 
bound to (D/H) used.1 Using Eqn. 
an upper bound t6! n : n 

1.10 to relate n to Gb, this implies 
< o.035h-Z(T/2.7io' 2 0.19 -- baryons alone 

cannot close the IJbniveFse. One would like to also exploit the Sensitive 
dependence of (D/H) 

ig 
upon n to derive a lower bound to n for 

concordance; this not possible because D is so easily destroyed. 
Xowever , as we shall soon see, this end can be accomplished instead by 
using both D and 'He. 
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The abundance of 'He has been measured in solar system studies and 
by observations of the 'He+ hyperfine line in galactic HII region8 (the 
,analog of the 21 cm line of H). The abundance of 'He in the solar wind 
has been determined by analyzing gas-rich meteorites, lunar soil, and 
the foil placed upon the surface of the. moon by the Apollo astronauts. 
Since D is burned to 'He during the sun's approach to the main sequence, 
these measurements-represent the pre-solar sum of D and 'He. These 
determinations of D + 'He are all consistent with a pre-solar [(D + 
'He)/Hl = (4.0 * 0.3) x 1o-s. Earlier measurements of the IHe+ nyperfine 
line in galactic HI1 region3 and very recent measurements lead to 
aerived present abundance8 of 'He: 'He/H = (3-20) x lo-". The fact that 
these values are higher than the pre-solar abundance i3 consistent with 
the idea that the abundance of 'He should increase with time due to the 
stellar production of 'He by low mass stars. 

'He is much more difficult to destroy than D. It iS very hard to 
efficiently dispose of 'He without also producing heavy element3 Or 
large amounts of *He (environments hot enough to burn 'He are usually 
hot enough to burn proton3 to *He). In ref. 15 we have argued that in 
the absence of a Pop III generation of very exotic Star3 which process 
essentially all the material in the Universe and in so doing destroy 
most of the 'He without overproducing *He or heavy elements, 'He can 
have been astrated (i.e. reduced by stellar burning) by a factor of no 
more than f = 2. [The youngest stars, e.g. our sun, are called POP I; 
the olde8taob8erved stars are called Pop II. Pop III refers to a yet to 
be discovered, hypothetical first generation of stars.3 Using this 
argument and the inequality 

C(D+'He)/Hlp < pre-solar(D/H)+P, pre-solar('He/H) (1.16) 

< (I-f,)pre-solar(D/H)+fapre-solar(D+'He)/H; 

the presolar abundances of D and D + 'He can be used to derive an upper 
bound to the primordial abundance of D + 'He: C(D + 'He)/Hlp 2 8 x lo-'. 
[For a very conservative astration factor, f = 4. the upper limit 
become8 13 x lo-'.I Using 8 x lo-' as an uppeg bound on the primordial D 
+ 'He production implies that for concordance, n must be greater than 4 
x lo-lo (for the upper bound of 13 x lo-', n must be greater than 3 x 
lo-"). To summarize, consistency between the predicted big bang 
abundandez of D and 'He, and the derived abundance3 observed today 
requires n to lie in the range = (4 - 10) x lo-". 

Until very recently, our knowledge of the 'Li abundance was limited 
to observations of meteorites, the local ISM, and Pop I stars, with a 
derived present abundance of 'Li/H = lo-' (to within a factor of 2). 
Given that 'Li is produced by cosmic ray spallation and Some stellar 
processes, and is easily destroyed (in environments where T >_ 2 x 10‘K). 
there is not the slightest reason to suspect (or even hope!) that this 
value accurately reflects the primordial abundance. Recently, Spite and 
Spite" have observed 'Li lines in the atmospheres of 13 unevolved halo 
and old disk stars with very low metal abundances (2 /12 - Z8/250), 
whose masses span the range of = (0.6 - l.l)Mg. Stars B es3 massive than 
about 0.7 MG are expected to astrate (by factors 2 O(10)) their 'Li 
abundance during their approach to the MS, while stars more massive than 



i3oui 1 !4 3 ire fiat expected to significanLly astraie 'Li in their outer 
iayers. Indeed, they see this trend in their data, and deduce a 
primordial ‘Li abundance of: ‘Li/H = (1.12 : 0.38) x lo-“. Remarkably, 
%his is the predicted big bang production for n in the range (2 - 
lo-'0. 

5) x 
If we take this to be the primordial ‘Li abundance, and allow for 

a possible facto~r‘of 2 uncertainty in the predicted abundance of Li (due 
50 estiznated Iuncertainties in the reaction rates *ihich affect ‘Li), then 
roncordance for ‘Li restricts n to the range (1 - 7) x :o-‘0. Note, of 
‘2our3e, that their derived ‘Li abundance is the pre-Pop II abundance, 
and may not necessarily reflect the true primordial abundance (e.g., if 
a ?op III generation of stars processed significant amounts of 
4acerial). 

In sum, the concordance of big bang nucleosynthesis predictions 
Edith the derived abundances of D and ‘He requires n = (4 - la) x lo-“; 
moreover, concordance for D, ‘He, and 
7) x 10-10. 

‘Li further restricts n: n = (4 - 

In the past few years the quality and quantity of *He observations 
naS increased markedly. In Fig. 1.4 all the ‘He abundance determinations 
derived from observations of recombination lines in HI1 regions 
(galactic and extragalactic) are shown as a function of metalicity 2 
(more precisely, 2.2 times the mass fraction of “0). 

Since ‘He is also synthesized in stars, some of the observed *He is 
not primordial. Since stars also produce metals, one would expect some 
correlation between Y and Z, or at least a trend: lower Y 
lower. 

vhere Z is 
Such a trend is apparent in Fig. 1.4. From Fig. 1.4 it is also 

clear that there is a large primordial component to *He: Y = 
0.26. 

0.22 - 
Is it possible to pin down the value of Y p more prec.isPely? 

There are many steps in going from the line strengths (what the 
observer actually measures), to a mass fraction of *He (e.g., 
corrections for neutral *He, reddening, etc.). In galactic HI1 regions, 
*ihere abundances can be determined for various positions within a given 
XII region, variations are seen within a given HII region. Observations 
of extragalactic HI1 regions are actually observations of a 
superposition of several HI1 regions. Although observers have quoted 
statistical uncertainties of AY = * 0.01 (or lower), from the scatter in 
Fig. 1.4 it is clear that the systematic uncertainties must be larger. 
TOT- example, different observers have derived *He abundances of between 
0.22 and 0.25 for I Zwlg, an extremely metal-poor duarP emission line 
galaxy. 

Perhaps the safest way to estimate Y is to concentrate on the ‘He 
determinations for metal-poor objects. ‘From Fig. 1.4 Y 
appears to be consistent with all the data (although Y al 

= 0.23 - 0.25 

0.26 could not be ruled out). Recently Kenth and SiEgentl’ 
low 0.22 

or high as 
have studied 13 metal-poor (Z 5 Z,/5) Blue Compact galaxies. From a 
,weighted average for their sample they derive a primordial abundance Y 
= 0.245 ? 0.003; allowing for a 30 variation this suggests 0.23b 
3.254. 
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Flg. 1.4 Summary of ‘He abundance determinations (galactic and 
extragalactic) Prom recombination lines in HI1 regiOnS 
vs. mass fraction of heavy (A >_ 12) elements 2 (= 2.2 
mass fraction of “0). Note, observers do not usually 
quote errors for individual objects--scatter is probably 
tndicative of the uncertainties. The triangles and Pllled 
circles represent two data sets of note: circles - 13 
very metal poor emission line galaxies (Kunth and 
Sargent”); triangles - 9 metal poor, compact galaxies 
(Lequeux atal.“). 
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io-‘o 
For the COnCOrdanCe range deduced from 2, ‘Ye, and ‘ii (n > 4 x 
) and T L,~ 1 10.4 min, the predicted ‘He abundance is 

0.230 N = 2. 
Y LI 

P L 0.244 
0.256 : 2: 

.Note, that N = 2 is permitted only if the r-neutrino is heavy (1 few 
XeV) and unstable; the present experimental upper limit on its mass is 
i 60 41eV. I Thus, since Y = 0.23 - 0.25 (0.22 - 0.26?) there are values 
of n, ?I and T,/~ 
predict:; by 

for wh ch there is agreement between P the abundances 

3He, 
big bang nucleosynthesis and the primordial abundances of 

1, *He, and ‘Li derived from observational data. 

To summarize, the only isotopes which are predicted to be produced 
in significant amounts 

‘He, 
during the epoch of primordial nucleosynthesis 

,are: 3, *He, and ‘Li. At present there is concordance between the 
predicted primordial abundances of all 4 of these elements and their 
,xbserved abundances for values of N 

I 4; 10.4 min I ry;? I’::: 
and 

‘ntervals: 2 < N 
following 

; ,()-lo 
8 min; zndiy xt?z-io 5 n I 7 

(or 10 x”~O-‘~ if the ‘Li abundance is not used). This is a 
truly remarkable achievement, and strong evidence that the standard 
model is valid back as early as lo-* set after ‘the bang’. 

The standard model will be in serious straights if. the primordial 
mass fraction of *He is unambiguously determined to be less than 0.22. 
i/hat alternatives exist if Y I 0.22? If 

‘He and 
a generation of Pop III stars 

which efficiently destroyed ‘Li existed, then the lower bound to 
n baaed upon D, ‘He. (and ‘Li) no longer exists. The only solid lower 
bound to n would then be that based upon the amount of luminous matter 
in galaxies (i.e., 
10-10. In this 

the matter inside the Holmberg radius): n >- 0.3 x 
case the predicted Y 

anisotrogy 
could be as low as 0.15 or 0.16. 

Although small amounts of increase’* the primordial 
production of *He. recent workzO suggests that larger amounts could 
,lecrease the primordial production of *He. Another possibility is 
neutrino degeneracy: a large lepton number (n 
modifies the predictions of big bang 

- n- = O(ny)) drastically 
nucleo~ynth~sis.” Finally, one 

might have to discard the standard cosmology altogether. 
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Primordial Xucleosynthesis as a Probe 

If. based upon its apparent success, ue accept the validity of the 
standard .model, we can pi s e primordial nucleosynthesis as a probe of 
-osmo:ogy and particle physics. For example, concordance requires: 4 x 
lo-‘0 < n $ 7 x IO-‘~ and N I 4. 
we nave of n and~~implies thzt 

This is the most precise determination 

O.O14h-*(T/2.7K)” ( Q b < 0.024h-Z(T/2.7K)3 (1.17) 

0.014 2 i-Lb I 0.14, 

na/3 = n/7 = (6 - 10) x 10-l’. (1.10) 

I f , as some dynamical studies suggest, fl > 0.14, then some other 
non-baryonic form of matter must account for the difference between R 
and R rFor a recent review of the meaSUrementS Of 2, 
23.j biuierotis 

see refs. 22, 
candidates ;h a Y e been proposed for the dark matter, 

including primordial black holes, axions, quark nuggets, photinos, 
gravitinos, relativistic debris, massive neutrinos, sneutrinos, 
monopoles, pyrgons, maximons, etc. [A discussion of some of these 
candidates is given in refs. 3. 24.1 

With regard to the limit on N Schvartsman” first emphasized the 
dependence of the yield of *He”An the expansion rate of the UniVerSe 
during nucleosynthesis, which in turn is determined by g,, the effective 
number of massless degrees of freedom. As mentioned above the crucial 
temperature for *He synthesis iS = 1 MeV -- the freeze out temperature 
for the n/p ratio. At this epoch the massless degrees of freedom 
include: Y, v;, e’ pairs, and any other light particles present. and SO 

g,=gy+7/8(get + Nvgv;) + 1 gi (Ti/T)‘+ 
Bose 

=5.5 + 1 .75Nv+ Z gi(TI/T)*+ 718 Z g 
Bose Fermi 

710 L gi(Ti/T)* 
Fermi 

i(Ti/T)*. (1.19) 

Xere T. 19 the temperature of species i, T is the photon temperature, 
and theltotal energy density of relativistic species is: p = g,n’T*/30. 
The limit N 
are: Y. et, 

I 4 is obtained by assuming that the Only Species present 
aid N neutrinos species, and follows because for n 1 4 x 

lo-‘“, TL,* 2 10.4” min, and N 1 4, the mass fraction of “He produced is 
? 0.25 (which is greater than’the observed abundance). More precisely, 
N v I 4 implies 

B* i 12.5 (1.20) 

or 

1.75 L 1.75(N,-3) + 1 gI(Ti/T)* + Z g,(Ti/T)*. (1.21) 
Bose Fermi 

At most 1 additional light (< MeV) neutrino species can be tolerated; 
many more additional species can be tolerated if their temperatures T. 
are < T. [Big bang nucleosynthesis limits on the number of light (5 MeVf 
species have been derived and/or discussed in refs. 26.1 
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The number of neutrino species ‘can also be aetermined by measuring 
: n e width of the ZO ‘hoson: each “eutrino flavor less massive than 
)im7/2) contributes = 190 .MeV to 
L”?s;lts 

the iiidih of the . zo 
on the width of the Z” imply that N 

Preliminary 
Note that while 

3ig bang nucleosynthesis and the 
~ < O(20)“. 

width of the z” both provide 
information about- the “umber of neutrino flavors, they 'measure' 
;li,ghtly different quantities. 3ig bang nucleosynthesis is sensitive to 
:.?e “umber of light (5 MeV) neutrino 
?egrees of freedom, .%‘hile the width of s7peocies9 

and all other light 
the - is determined by the 

number of particles less massive than about 50 GeV which couple to the 
1’ (neutrinos among them). This issue has been recently discussed in 
ref. 28. 

Given the important role occupied by big bang nucleosynthesis, it 
is clear that cant inued scrutiny is in order. The importance of new 
observational data cannot be overemphasized: extragalactic D abundance 
determinations (Is the 3 abundance universal? What is its value?); more 
measurements of the ‘He abundance (What IS its primordial value?); 
cant inued improvement 1 n the accuracy of *He abundances in very metal 
?oor XIII regions (Recall, the difference between Y = 0.22 and Y 
iS crucial); and further study of the 

= 0.23 
‘Li abundange in very old’stellar 

populations (Has the primordial abundance of ‘ii already been 
measured?). Data from particle physics will prove useful too: a high 
precision determination of T,,~ (i.e., 
eliminate 

AT,,* I k 0.05 mi”) will all but 
the uncertainty in the predicted *He primordial abundance; an 

accurate measurement of the width of the recently-found 2’ vector boson 
uill determine the total number of neutrino species (less massive than 
about 50 GeV) and thereby bound the total number of light neutrino 
species. All these data will not only make primordial nucleosynthesis a 
more stringent test of the standard cosmology, but they will also make 
primordial nucleosynthesis a more powerful probe of the early UniVerSe. 

‘Preeze-out’ and the Making of a Relic Species 

:n Eqns. 1.19, 1.21 I allowed for a species to have a temperature 
which less than the photon temperature. What could lead to this 

hhppening? iz the Universe expands it cools (T u R-l), and a particle 
species’ can only remain in ‘good thermal contact’ if the reactions which 
are important for keeping it in thermal equilibrium are occurring 
rapidly compared to the rate at which T is decreasing (which 1s set by 
the expansion rate -T/T = R/R - H). Roughly-speaking the criterion is 

i- ? H, (1.22) 

‘where I” = n<(lv> is the interaction rate per particle, n is the number 
density of target particles and <a~> is the thermally-averaged cross 
section. When f drops below H, that reaction is said to 'freeze-Out.' or 
’ decouple’. The temperature T 

& 
(or T ) at which H = T is called the 

freeze-out or decoupling tempera ure. [Noee that if f = aT” ,and the 
vniverse is radiation-dominated so that H = (Zt)-’ = 1.67 gr’ lT’/m 

Pl’ 
then the number of interactions which occur for T 5 Tf is just: Jo 

Tf 
i-dt 

T% (?/H)lTf/(n-2) = (n-Z)-‘]. If the species in question is relativistic 
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(T, >> m.) when it decouples, then its phase space 
di+stribuiion (in momentum space) remains thermal (i.e., aose-Einstein or 
Fermi-Dirac) with a temperature Ti or R-‘. [It is a simple exercise to 
show this.] So long as the photon temperature also decreases as R-l, Ti 
= T, as if the species were -till in good thermal Contact. 

However, due-to the entropy release when various massive species 
annihilate (-, e’ pairs when T = 0.1 MeV), the photon temperature 
does n 0 t always decrease as R-1. Entropy conservation (S = 
g,T)=constant) can, however, be used to calculate its eVOlUtiOn; if g* 
is decreasing, then T will decrease less rapidly than 3-l. As an exam?12 
consider neutrino freeze-out. The cross section for processes like e e 
++ v; is: <ov> = 0.2O;T2, and the number density of targets n = T’, SO 
that T = 0.2 G$T5. Equating this to H it follows that 

Tf 
-1 c-2 ‘(30mpl F ) 111 (1.23) 

= few MeV, 

i.e., neutrinos freeze out before e* annihilations and do not share in 
subsequent entropy transfer. For T 5 few MeV, neutrinos are decoupled 
and T = R-‘, while the entropy density in e+ pairs and Ys s = R-3. 
Using’the fact that before e* annihilation the entropy density of the e* 
pairs and Ys is: s = (7/8g * + 

‘, 
g )T' - 5.5 T’ 

annihilation s = gYT’ = 2T it fo lows that after the e’ annihilations I 
and that after e* 

TV/~ = [g,/(g, + 718 gedl"' 

- (4/11)1”. (1.24 

Similarly, the temperature at the time of primordla 

1 

,1 

nucleosynthesis Ti of a species which decouples at an arbitrary 
temperature Td can be calculated: 

Ti/T = C(gy+7/8(gei + N,g,;Wg,d11’3 

= (10.75/g*d) 113 (for NV - 3). (1 .25) 

Here g,d = g*(Td) is the number of species in equilibrium when the 
species in question decouples. Species which decouple at a temperature 
30 MeV = m /3 I T < few 100 MeV do not share in the entropy release from 
uf annihilgtions, 

primordial 
and Ti/T = 0.91; the important factor for limits based 

upon 
at temperatures Td 

nucleosynthesis (Ti/~)* = 0.69. Species which decouple 
1 the temperature of the quarklhadron transition = 

few 100 MeV, do not share in the entropy transfer when the quark-gluon 
Plasma Cg,=gy+gCluon + 7/8(g,k + g,,t + gv; + guu + gda + gs; +..I 2 621 

hadronizes, and Ti/~ = 0.56; (Ti/T)* = 0.10. 

‘Hot’ relics- Consider a stable particle species X which decouples 
at a temperature T 

f 
>> m . For T < T 

decreases as R-l as 
the number density of XS nx just 

he Unltverse expan 9. d In the absence of entropy 
production the entropy density s also decreases as R-‘, and hence the 
ratio nx/s remains constant. At freeze-out 



19 

EY 

l+eV lmtv IN IW IMPV l&V I TCV Id TCV Id TCV 
I. 1, II ” 11, 4,. 8. 1, . I ‘, , 

IdO- GRAND UNIFIED PHOTON SPECTRUM -10” - -A *7. 
I”? .U 
7, 
yl IO’- / f 2.9 K 

yE eLAcKBcoY -IO’ 
” 5 

ig ,- 
-. 

1 
? 

\ 
9. 

52 .9- 
3 lo*- -16 
2 

+*+ pr 

16’ 0 VISIBLE 

RADIO p-WA IR w X-RAY y-RAY 
.?P -0” 

. 0.r 
I@9 I 1 1 k I 8 I I I I I I I I , I I I I I I l(r, Y Jo-” 

Id I lo-’ lo* I@ 16” IO‘l’ IO‘” 10-2’ 10-a 
Ikm Icm llrm IA I fm 

Ah) 

Fig. 1.5 The diEfuse photon spectrum of the Universe from A - 1 
km to 10 ‘*em. Vertical arrows indicate upper limits. 

lGe” I G# 

z aAcKGRO”NDS 

it- 

2 /kC” I I.?” 
z 

NEUTRINO LIFETIME kc) 

Fig. 1.6 Summary of astrophysical/cosmological constraints on 
neutrino masses/lifetimes. Lines 1 and 2 represent 
mass/lifetime relationships: T - a x lo-* 
for a - 1. 101’. 

set (mu/mv)‘, 



20 

“x/s = (g,,ff 5(3)/nz)/:2n2g,d/45). 

= o.278g xeff’g’d’ (1.26) 

where g for a boson or 314 g, for a fermlon, gsd = gx(Td), and 
L(3) = xeff2a... . Today. s = 7.1 n y, so that the number density and 
mass density of Xs-are 

n x = (2g xeff’g*d)“Y* (1.27) 

“x = P,/P, = 7.6(mx/100eV)(g,eff/g*d)h-2(T’2.7K)3. (1.28) 

Note, that if the entropy per comoving volume s has increased since the 
X decoupled, e.g., due to entropy production in a phase transition, the” 
these values are decreased by the same factor that the entropy 
increased. As discussed earlier, Rh’ mUSt be < O(l), implying that for a 
stable particle species 

mx/lOO eV L 0.13 gsd/gxeff; (1.29) 

for a neutrino species: Td = few MeV, gsd = 10.75, gxeff = 2 x (3/4), so 
that n -/ny Note.that for a species which 
decoupygs 

= 3/11 and my must be I 96 eV. 
very early (say g,d = 200), the mass limit (1.7 keV for g,,fr 

= 1.5) which = gsd is much less stringent. 
.-_ - 

Constraint (1 
with T < 10-15 
radiatively is sub j 
photons from its 
consequences, e.g. 
‘polluting’ var 
astrophysical/cosm . 

29) obviously does not apply to an unstable particle 
billion yrs. However, any species which decays 

ect to other very stringent constraints, as the 
decays can have various unpleasant astrophysical 

, dissociating D, distorting the microwave background, 
ious diffuse photo” backgrounds, etc. The 

lological constraints on the mass/lifetime of an 
unstanle neutrlno species and the photo” spectrum Of the Universe are 
shown in Figs. 1.5, 1.6. 

‘Cold’ relics- Consider a stable particle species which is still 
coupled to the primordial plasma (f > H) when T = mx. As the temperature 
falls below mx, its equilibrium abundance is given by 

“X/“Y = (gxeff/2)(n/8)~‘Z(mx/T)1/2exp(-mx/T), (1.30) 

“,/s = 0.17(gxeff/g*)(m,/T) $12 exP(-mx/T), (1.31) 

and in order to maintain a” equilibrium abundance Xs must diminish in 
number (by annihilations since by assumption the X iS stable). SO long 
as r = n,(ov) 1 H the equilibrium abundance of Xs iS maintained. 
When 9::” = H. whe?i”?=Tf, the Xs ‘freeze-out’ and their number density 
” decreases 
f$r T 5 TV: 

only due to the volume increase of the Universe, so that 

",/S = (nx/s)/, . (1 .32) 
f 

The equation for freeze-out (fan” = H) can be solved approximately, 
giving 



Evidence for a Daryon Asymmetry 

Uithin the solar system we can be. very confident that there are no 
concentrations of antimatter (e.g., antiplanets). if there were, solar 
,dind particles striking such objects ti,ould be the strongest Y-ray 
sources in the sky. Also, NASA has yet to lose a space probe because it 
annihilated with antimatter in the solar system. 

Cosmic rays more energetic than O(O.l GeV) are generaily believed 
to be of "extrasoiar" origin, and thereby provide us with samples.of 
material from throughout the galaxy (and possibly beyond). The ratio of 
antiprotons LO protons in the cosmic rays is about 3 x IO-*, and the 
ratio of anti-&He to *He is less than 10T5 (ref. 35). Antiprotons are 
expected to be produced as cosmic-ray secondaries (e.g. p + ;, + 3p + b) 
at about the 13-* level. At present both the spectrum and total flux of 
cosmic-ray antiprotons are at variance with the simplest model of their 
production as secondaries. A number of alternative Scenarios for their 
Origin have been proposed including the possibility that the detected 5s 
are cosmic rays from distant antimatter galaxies. Although the origin of 
these ps remains to be resolved, it is clear that they do not provide 
evidence for an appreciable quantity of antimatter in our galaxy. [For a 
recent review of antimatter in the cosmic rays we refer the reader to 
ref. 35. i 

The existence of both matter and antimatter galaxies in a cluster 
Of galaxies containing intracluster gas would lead to a significant 
Y-ray flux from decays of r's produced by nucleon-antinucleon 
annihilations. Using the observed Y-ray background flux as a COnStraint, 
Steigman'" argues that clusters like Virgo, which is at a distance -20 
Mpc (- 10z6 cm) and contains several hundred galaxies, must not contain 
both matter and antimatter galaxies. 

Dased upon the above-mentioned arguments, we can say that if there 
exist equal quantities of matter and antimatter in the Universe, then we 
can be absoiutely certain they are separated on mass scales greater than 

d&, M 
and reasonably certain they are separated on Scales greater than 

= 1012-10'*M 
P 

As discussed below, this 
virtually ~~~~~~ible to reconci ;! with a symmetric cosmology. 

fact is 

It has often been pointed out that we drive most of our direct 
knowledge of the large-scale Universe from photons, and since the photon 
iS a self-conjugate particle we obtain no clue as to whether the source 
is made of matter or antimatter. Neutrinos, on the other hand, can in 
principle reveal information about the matter-antimatter COmpOSitiOn of 
their source. Large neutrino detectors such as DUMAND may someday 
provide direct information about the matter-antimatter composition of 
the Universe on the largest scales. 

Baryons account for only a tiny fraction of the particles in the 
;rniverse, the 3K-microwave photons being the most abundant Specie5 (yet 
detected). 399(T/2.7K)' cm-'. 
The baryon 

The number density of 3K photons is nY = 
density is not nearly as well determined. LuminOUS matter 

lbaryons in stars) contribute at least 0.01 of closure density (nlum > 
O.Ol), and as discussed in Lecture 1 the age of the Universe requires 



that R 
baryont &-photonbratio n r n /” ? 

(and R ) must be < O(2). These direct deteyytnations plsce the 
in the range 3 x 10 to6xlO’. As 

also discussed in LectbreY1 the yields of big-bang nucieosynthesis 
depend directly on n, and the production of amounts of D, ‘He. *He, and 
‘ii that are consistent with their present measured abundances reStriCt5 
” to the narrow range (4-7) x lo-“. 

Since today it appears that n n is also the ratio of net 
baryon number to photons. ii 

>> “6, 
The num er of photons in the Universe has not 

remained constant, but has increased at various epochs when particle 
species have annihilated (e.g. e’ pairs at T = 0.5 MeV). Assuming the 
expansion has been isentropic (i.e. no significant entropy production), 
the entropy per comoving volume (- sR’) has remained constant. The 
“known entropy” is presently about equally divided between the 3K 
photons and the three cosmic neutrino backgrounds (e, II. T). Taking this 
to be the present entropy, the ratio of baryon number to entropy iS 

nB/s = (l/7)” - (6-10) x lo-“, (2.1) 

where “B r nb - n5 and n is taken to be in the range (Q-7) x lo-“. go 
long as the expansion is isentropic and baryon number is at least 
effectively conserved this ratio~remains constant and iS what I will 
refer to as the baryon number of the Universe. 

Although the matter-antimatter asymmetry appears to be “large” 
today (in the sense that nB - nb >> ng). the fact that “B/s = lo-” 
implies that at very early times the asymmetry was “tiny” (n, << n,). To 
see this, let us assume for simplicity that nucleon8 are the fundamental 
baryons. Earlier than lo-' 8 after the bang the temperature was greater 
than the mass of a nucleon. Thus nucleon8 and antinucleons should have 

OPY density 8 
10 ‘O) requires 
). During its 

quite) baryon 

been about as abundant as photons, nN I nfl = nY. The 
is =g*ny = g&TN that for t < 10 

= O(lO*)nN. The constancy of nB/s 
s, 

earliest epoch, the’“8ni;er~9)‘~~1”~~~~~~) (Eut’ 
symmetric. 

entr 
- O( 

(1o-8 
not 

The Tragedy of a Symmetric Cosmology 

Suppose that the Universe were initially locally baryon symmetric. 
Earlier than 10m6 s after the bang nucleon8 and antinucleons were about 
as abundant as photons. ForT< 1 CeV the equilibrium abundance of 
nucleons and antinucleons is (*N/nY)E 

8 
= (mN/T)“’ exP(-m /T), 

the Universe cooled the number of nu leons and antinuc eons Y 
and as 

would 
decrease tracking the equilibrium abundance as long as the annihilation 
rate r = nN(ov)ann * nNmi2 

tem$g?ature Tf 
was greater than the expansion rate B. At 

a annihilations freeze out (r = H), nucleon8 and 
antinucleons being so rare they can no longer af?nd each other to 
annihilate. Using Eqn. 1.33 we can compute T : 

annlhilation~, 
T = O(20 MeV). Because 

of the incompleteness of the Residual nucleon and 
antinucleon to photon ratios (given by Eqn. 1.34) “i/n,, = nN/ny = 10-i’ 
are “frozen in.” Even if the matter and antimatter could subsequently be 
separated, nN/ny is a factor of 10’ too small. To avoid ’ the 
annihilation catastrophe’, matter and antimatter must be separated on 
large scales before t = 3 x lo-' s(T = 20 MeV). 



Statistical fluctuations: One possible mechanism for doing this is 
statlscicai (POizz0r.j fluctuations. The ,z 0 - ill 0 Y 1 ,r, g volume chat 
encompasses our galaxy today contains Z10’2 I?, : ;o69 baryons and =, 0 7 9 
pnotcnz. 2arlie.r than lo-& s after the ban; this same comoving volume 
-:ontained -10" 2notons and =1079 baryons and antibaryons. In order to 
c> ‘ti 0 1 d She annihilation catastrophe, this volume would need an excezz of 
barycns aye:’ antlbarycns of = 10G9, but from 

- NE; 5 a(+) - 3 x 10'9 
statistical fluctuations 

one -xould expect iu’ 
P 

- a mere 29 l/2 orders of 
magnitude too small. 

Causality constraints: Clearly, statistical fluctuations are of no 
r,elp, SO consider a nypothetical interaction that separates matter End 
antlmatter. In the standard cosmology the distance OYl?r which light 
signals (and hence causal effects) could have propagated since the bang 
(the horizon diztancej is finite and = 2t. When T = 20 MeV (t - 3 x 
:0-x s) causally coherent regions contained only about lo-’ M3. Thus, in 
the standard cosmology causal processes could have only separated matter 
and antimatter into 
Lecture ir I will 

lumps of masz < 10~’ Mg <( M 
discuss inflationary scenarios; ing$hgsx = lo” MQ* ii: scenarios 

iS possible that the Universe is globally symmetric, while asymmetric 
locally (within our observable region of the Universe). This is possible 
because inflation removes the causality constraint.] 

least 
It. should be clear that the two observationz, nb )>. n5 on scales at 

as large as 10” MQ and nb/n 
r: 

- (4-7) x lo-‘Q, effectively render 
all baryon-symmetric cosmologies un enable. A viable pre-GUT cosmology 
needed t0 have as an 
(6-10) x lo-“-- 

initial condition a tiny baryon number, rig/z = 
a very curious initial condition at that! 

The ingredients Necessary for Baryogenesis 

More than a decade ago Sakharov3’ suggested that an initially 
baryon-symmetric Universe might dynamically evolve a baryon excezs of 
3ilo-‘o), ‘which after baryon-antibaryon annihilations destroyed 
ezsentiaily all of the antibaryonz, would leave the one baryon per 10” 
photons that we observe today. In his 1967 paper Sakharov outlined the 
three ingredients necessary for baryogenesiz: (a) B-nonconserving 
Interactions; (b) a violation of both C and CP; Cc) a departure from 
thermal equilibrium. 

it is clear that B(baryon number) must be violated if the Universe 
begins baryon symmetric and then evolves a net B. in 1967 there was no 
motivation for B nonconservation. After all, the proton lifetime is more 
than 35 orders of magnitude longer than that of any unstable elementary 
particle--pretty good evidence for B conservation. Of course, grand 
unification provides just zuch motivation, and proton decay experiments 
are likely to detect B nonconservation in the next decade if the proton 
I ifetime is < la’3 years. 

Under C (charge conjugation) and CP (charge conjugation combined 
with parity), the B of a state changes sign. Thus a state that is either 
C or CP invariant must have B = 0. If the Universe begins with equal 
amounts of matter and antimatter, and without a preferred direction (as 
in the standard cosmology), then its initial state is both C and CP 



Invariant. Unless both C and CP are violated, the Universe will remain C 
and CT invariant as it evolves, and thus cannot develop a net baryon 
number even if 8 is not conserved. Both C and CP violations are needed 
LO provide an arrow to specify that an excesz of matter be produced. C 
is maximally violated in the weak interactions, and both C and CP are 
,iiolated in the KO--K’ system. Although a fundamental understanding of CP 
violation is still lacking at present, GUTS can accommodate CP 
vioiation. 
she i(O-zD 

It would be very surprising if CP violation only occurred in 
system and not elsewhere in the theory F.lZO (including the 

Y-nonconserving sector). In fact, Liithout miraculous cancellations the 
CP violation in the neutral kaon system will give rise to CP violation 
in the B-nonconserving sector at zome level. 

The necessity of a departure from thermal equilibrium is a bit more 
subtle. It has been shown that CPT and unitary alone are sufficient to 
guarantee that equilibrium particle phase space distributions are given 
by: f(p) = iexp(u/T+E/T)rl]-‘. In equilibrium, processes like Y + Y +* b 
- 6 imply that vb I , while processes like (but not literally)-7 + Y 
c+ b + b require thaiSub = D. Since E? = p’ + m* and mb = rng by CPT, it 
i;i$;;;),;;;;a.;n thermal equlllbrlum, nb z n6. [Note. n = 

Because the temperature of the Universe is changing on a 
characteristic timescale H-i, thermal equilibrium can only be maintained 
if the rates for reactions that drive the Universe to .equilibrium are 
much greater than H. Departures from equilibrium have occurred often 
during the history of the Universe. For example, because the rate for Y 
+ matter + Y’ + matter’ is << H today, matter and radiation are not in 
equilibrium, and nucleons do not all reside in “Fe nuclei (thank Cod!). 

The Standard Scenario: Out-of-Equilibrium Decay 

The basic idea of baryogeneziz has been discussed by many 
authors. 3’-*2 The model that incorporate3 the three ingredients 
discussed above and that has become the “standard scenario” is the 
so-called out-of-equilibrium decay scenario. I now describe the scenario 
in zome detail. 

Denote by “X” a superheavy (2 lOi* CeV) bozon whose interaction3 
violate B conservation. X might be a gauge or a Higgz bozon (e.g., the 
XV gauge bozonz in .SlJ(5), or the color triplet component of the 5 
dimensional Higgs). [Scenarios in which the X particle is a superheavy 
fermi0 have also been suggested.] Let its coupling strength to fermionz 
be a’ and it.3 mass be M. From dimensional considerations its decay 
rate TD = T-’ should be 

rD = aM. (2.2) 

At the Planck time (’ lo-*' s) assume that the Universe 
symmetric (nB/s = 0). with all fundamental particle Specie3 
gauge and HiEFT bozons) present with equilibrium distributions 
epoch T = g, = 3 x 10" GeV >> M 
in minimal SD(5;m!jt = 160.) So at the Pianck time X, X bozonz 

(Here I have-taken g, 

is baryon 
(fermions, 
. At this 

= O(100); 
are very 
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Fig. 2.1 The abundance of X bosons relative to photons. The 
broken curve shows the actual abundance, while the solid 
curve shows the equilibrium abundance. 

Ff .g. 2.2 Important rates as a function of z - WT. H is the 
expansion rate, rD the decay rate, I’ID the inverse decay 
rate, and l’ the 2 ++ 2 g scattering rate. Upper line 
marked H co%esponds to case where K << 1; lower line the 
case where K > 1. For K << 1, Xs decay when z - zD; for K 
> 1, freeze out of IDS and S occur at 2 - ZID and zs. 



26 

relativistic and up to statistical f~ actors as abundant zz photons: n = 
n; 5 Nothing of importance occurs until T = M. 

x 
“Y. 

For T < M the equilibrium abundance of X, w bozonz relative to 
photons is 

Y.- LQ I (M/T)~” exp(-M/T). 

wnere X 
In order fZrn?:nX 

is just the number of X, x bozons per comoving volume. 
bosonz to maintain an equilibrium abundance as T falls 

below M, they must be able to diminish in number rapidly compared to H - 
iTIT/. The most important process in this regard is decay; other 
processes (e.g. annihilation) are higher order in o. If r 
M, f bozonz can adjust their abundance (by decay) lapidly enough 

>> H for T = 
then X, 

30 that X “tracks” the equilibrium value. in this case thermal 
equilibrium is maintained and no asymmetry iZ expected to evolve. 

More interesting is the case where TD < H = 1.66 g,l”T’/m 
Pl when T 

= M, or equivalently M > g;“ZalO1g GeV. In this case, 
X, X bozons are not decaying on the expansion timescale (T > t) and so 
remain as abundant as photons (X - 1) for T 5 M; hence they are 
overabundant relative to their equilibrium number. This overabundance 
(indicated with an arrow in Fig. 2.1) is the departure from thermal 
equilibrium. Much later, when T << M, fD - H (i.e. t - 7). and X, ji 
bosonz begin to decrease in number as a result of decays. To a good 
approximation they decay freely since the fraction of-fermion pairs with 
sufficient center-of-mass energy to produce an X or X is = exp(-M/T) << 
1, which greatly suppresses inverse decay processes (I 
<< H). Fig. F?g.= 

exp(-M/T)rD 
2.1 summarizes the time evolution of X; 2.2 shows the 

relation hip of the Various rates (rD, rID, and H) a3 a 3 function of 
M/T(o: t' 2). 

Now consider the decay of X and !! bosonz : suppose X decays to 
channels 1 and 2 with baryon numbers B, and B,, and branching ratios r 
and (l-r). Denote the corresponding quantities for X by -B,, -B2, ?, and 
(1-F) [e.g. 1 = (s?j), 2 = (q!Z), B, = -213, and E2 - l/31. The mean net 
baryon number of the decay products of the X and X are, respectively, B 
= t-B l + (1-r)B, and B; = -iB,-(l-?)B,. Hence the decay of an X, !? pai? 
on average produces a baryon number E, 

EZB x + Bj; = (r-r)(BI-BZ). (2.3) 

If B, = B,, E = 0. In this case X could have been assigned a baryon 
number 9, , and B would not be violated by X, ji bozonz. 

It is simple to show that r = r unless both C and CP ar_e violated. 
Let j? = the charge conjugate of X, and r+, r+, r r, denote the 
respective branching ratios in the upward and downward dfbectionz. [For 
simplicity, I have reduced the angular degree of freedom to up and 
down.j The quantities r and ? are branching ratio3 averaged Over angle: 
r = (r,+r,)/2, F * (r++r+)/2 and E = (r+-G ++r+-F+)/2. If C is conserved, 
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r+ = r+ and r, = t-4, and E = 0. If CP is conserved r, = r, and ri = r+, 
and once again E - 0. 

When the X, j? boaons decay (T << M, t - ,I) “x = “x I ny. Therefore, 
the net baryon number density produced iS nB = any. The entropy density 
s = g*ny, and so the baryon asymmetry produced iS “H/s = a/g* = lo-’ e. 

is 
Recall that the condition r;yl.a departure from equilibrium to occur 

K z (rD/H) ITsM < 1 or M > g, am . If X is a gauge boaon then o = 
1145, and so M must be 2 10” GeV. If Rlis a then is 
essentially arbitrary, although a - (my/M,)* o - lo-’ i: the 
X is in the same representation as the light responsible 
fbr giving mass to the fermions (here mf = fermion mass, 
the W boson - 83 CeV). It is apparently easier for Higga 

M, = mass of 
bosona 

satisfy this mass condition than it is for gauge bosons. If M > g;’ 4: 

As I will discuss below 
or a Higga boson than for a gauge boson. 

reasons a Higgs boaon is the more likely candidate for producing the 
baryon asymmetry. 

Numerical Results 

Boltzmann equations for the evOluti0” Of “g/s have.bee” derived and 
solved numerically in refa. 43. 44. They basically confirm the 
correctness of the qualitative picture discussed above, albeit, with 
some important differences. The results can beat be discussed in terms 
of 

K z rD/2H(M) = ampl/3gi 1’2M, (2.4) 

= 3 x 10" a GeV/M. 

K measures the effectiveness of decays, i.e., rate relative to the 
expansion rate. K measures the effectiveness of B-nonconserving 
processes in general because the decay rate characterizes the rate3 in 
general for B nonconserving processes, for T < M (when all the action 
happens) : 

where r 
++ 2 BD 
factor wh 
typically 

PID = (M/T)“’ exp(-M/T) ID, (2.5) 

rs = Aa(T/M)’ TD, (2.6) 

is the rate for inverse decays (ID), and P is the rate for 2 
nonconserving scatteringa (S) mediated by jl. [A is a numerical 

ich depends upon the number of scattering channels, etc, and is 
O(lOO-lOOO).] 

T’ 
[It iS simple to see‘why P m o(T/M)5rD,= oZT5/M*. r, = n(ov); n = 

and for T < M, ((IV) 01 a2’?‘/M*. Note, in Some supersymmetric GUTS, 
there exist fermionic partners of superheavy Higgs which mediate B (and 
also lead to dim-5 B operators). 
Aa(T/M)‘rD, 

In this caSe (ov) a a*/M’ and fs = 
and 2 f+ 2 B acatterings are much more important.] 
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The time evolution of the baryon asymmetry (“B/s vs m = M/T = ti ‘2) 
and the final value of the asymmetry which evolves are shown in Figs. 
2.3 and 2.4 respectively. For K < 1 all B nonconserving processes are 
ineffective (rate < H) and the asymmetry which evolves is just s/g* (as 
predicted in the qualitative picture). For Kc > K > 1, 
determined by 

where Kc is 

Kc (en Kc)-*‘* = 300/Aa, (2.7) 

s ‘freeze out’ before IDS and can be ignored. Equilibrium is maintained 
to some degree (by Da and IDS), however a sizeable asymmetry still 
evolves 

nB/s = (E/g*) 0.3 K-L(LnK)-0’6. (2.8) 

This i3 the surprising result: for Kc > K >> 1, equilibrium is not well 
maintained and a significant ” 1.3 

w 
evolves, whereas the qualitative 

picture would suggest that for >> 1 no asymmetry should evolve. For K 
> K S are very 
exp$Aentially small: 

important, and the nB/s which evolves becomes 

nB/s = (a/g,)(AKa) 112 exp[-413 (AKa)l”l. (2.9) 

[I” supersymmetric 
18/Aa and th 

models which have dim-5 B OperatOrS, Kc(L”K,)-“’ = 

7 analog of Eqn. 2.9 for K > Kc is: rig/s = (e/g*) AaK 
exp[-2(AaK)’ ‘1.1 

For the XY gauge bosons of SU(5) o = l/45, A = few x lo', and M = 
few x 10” CeV, so that KXY = O(30) and K 
could evolve due to these boaons is = lo-* (E 

= 100. The asymmetry which 

Higgs 
For a color triplzt 

leading 
GeV, KH 

ato ; ;oiax ;,'yr a&~ ",;;r; m"";,"f:'o~ye"i,:n~,*,; ;ewxx ;iII 

< 1 !nd the asymmetry ihich cguld evolve is = EH/g*. 

Very Out-of-Equilibrium Decay 

If the X boson decays very late, when M >> T and p > prad’ the 
additional entropy released in its decays must be tak%n into aCCOU”t. 
This is very easy to do. Before the Xs decay, p = px + prad = px = Mnx. 
After they decay p = (n*/30)g* T * = (3/4)aT 
density and tempera&uzePra?eer the X decaygv. As BH 

= entropy 
usua that on 

average each decay produces a mean net baryon number a. Then the 
resulting “B/s produced is 

nB/s = cnX/a. 

= (314)~ TRH/~ (2.10) 

[Note, I have assumed that when the Xa decay p >> p so that the 
initial entropy can be ignored compared to entroXpy prggduced by the 
decays; this assumption guarantees that TRH < M. I have also assumed 
that T << M so that IDa and S processes can be ignored. Finally, note 
that how the Xs produce a baryon number of E per X is irrelevant; it 
could be by X -t q’s L’s, or equally well by X + es + q’s a’3 (0 - any 
other particle species).] 
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Fig. 2.3 Evolution of s/s as a function of z - M/T (- tt’2). 
For K << 1, rg/s is produced when Xs decgy 
out-of-equilibrium (z >> 1). For K > K > 1, 
(due to IDS) until the IDS freezi out (2 = 1 “I 

/s a z ’ 
1. For K > 

Kc 2 ++ 2 scatterings are important., and s/s decreases 
very rapidly until they freeze out. 
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Fig. 2.4 The final baryon asymmetry (in units of c/g,,) as a 
function of K = 3 x 10” o GeV/U. For K ( 1, rg/s is 
independent of K and = c/g,,. For K > K > 1. 
decreases slowly, = l/(K(LnK)“‘*). F8r K > Kc “ids (when 2 ++ 
2 acatterings are, important), “ds decreases 
exponentially with K’ “. 
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Note that the asymmetry produced depends upon the ratio TRH/I’I and 

%chT& 
itself--this is of some interest in inflationary scenarios in 

e Universe does not reheat to a high enough temperature For 
baryogenesis to proceed in the standard way (out-of- equilibrium 
decays). For reF,erence THH c+: be calculated in terms of TV = F-l; when 
the Xs decay (t = TV, H = t = r): ~2 I HZ s ~~Px/3rnp~. Using the fact 
that p, = gx(n’/30)TRH* it Follows that 

TRH = gX -I’* (rmpl) 1’2 (2.11) 

The C,CP Violation E 

The crucial quantity For determining “B/s is e--the C. CP violation 
I” the superheavy boson system. Lacking ‘The GUT’. E cannot be 
calculated precisely, and hence n,/s cannot be predicted, as, For 
example, the *He abundance can be. 

The quantity E = (r-i;); at the tree graph (i.e., Born 
approximation) level I--i; must vanish. Non-zero contributions to (r-i;) 
arise From higher order loop corrections due to Higgs couplings which 
are complex.*1(*5~c6 For these reasons, it is generally true that: 

‘Higgs < o(aN) si” 6~ 

where o is the coupling of the particle exchanged in loop (i.e., 0 - 
g’/4n), N >- 1 is the number of loops in the diagrams which make the 
lowest order, non-zero contributions to (r-i;), and 6 is the phase of 
some complex coupling. The C. CP violation in the gauge boson system 
occurs at 1 loop higher order than in the Higgs because gauge couplings 
are necessarily real. Since a < a 
plenty large enough to explain nB/s ggyger, 0. E i;e;;uy; of;;0 ‘)-;y--;;h is 

a is 
likely to be smaller, and because C, CP violation occurs at lower order 
in the Higgs boson system. the out-of-equilibrium decay of a Higgs is 
the more likely mechanism for producing [No additional 
cancellations occur when calculating (r-F) in 

ng/s. 
supersymmetric theories, 

so these generalities also hold for supersymmetric CUTS.] 

In minimal SU(B)--one 2 and one 24 of Higgs, and three Families of 
Fermions, N - 3. This together with the smallness of the relevant Higgs 
couplings implies that eH 5 10~‘~ which is not nearly enough. *1.*,,CC 

With 4 Families the relevant couplings can be large enough to obtain eH 
= lo-‘--if the top quark and fourth generation quarkjlepton masses are 
O(mw) (ref. 47)- By enlarging the Higgs sector (e.g., by adding a second 
5 or a 45), 
lo-’ 

(r-r) can be made “on-zero at the l-loop level, making EH = 
easy to achieve. 

In more complicated theories, e.g., E6. S(lO), etc., E = lo-’ can 
also easily be achieved. However, ‘to do so restricts the possible 
symmetry breaking patterns. Both E6 and SCJ(10) are C-symmetric, and of 
course C-symmetry must be broken before E can be non-zero. In general, 
in these models e is suppressed by powers of M /MC where MC (MC) is the 
scale of C(GUT) symmetry breaking, and so ii 
smaller than MC. 

c cannot be significantly 
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It Seems very unlikely that E can be related to the parameters of 
the KO-j?o system, the difficulty being that not enough C, CP violation 
can be Fed up to the superheavy boson System. It has been suggested that 
E could be related to the electric dipole moment of the neutron.*’ 

Although baryogenesis is nowhere ~near being on the same Firm 
footing as primordial nucleosynthesis, we now at least have for the 
first time a very attractive Framework For understanding the origin of 
n /S = IO-‘~. 

it 
A framework which is so attractive, that in the absence of 

o served proton decay, the baryon asymmetry of the Universe iS probably 
the best evidence For some kind of quark/lepton unification. [In writing 
up this lecture I have borrowed freely and heavily From the review on 
baryogenesis written by myself and E. W. Kolb (ref.49) and refer the 
interested reader there For a more thorough discussion of the details Of 
baryogenesi8.l 

LECTURE 3 : MONOPOLES, COSMOLOGY, AND ASTROPHYSICS 

Birth: Glut or Famine 

In 1931 Dirac5’ showed that if magnetic monopoles exist, then the 
single-valuedness of quantum mechanical wavefunctions require the 
magnetic charge of a monopole to satisfy the quantization condition 

I3 = "gD' n - 0, *1, +2 . . . 

gD = 1/2e = 69e. 

However, one is not required to have Dirac monopoles in the theory--you 
can take ‘em 07 leave ‘em! In 1974 ‘t Hooft” and Polyakov” 
independently made a remarkable discovery. They showed that monopoles 
are obligatory in the low-energy theory whenever a semi-simple group C. 
e.g., SU(5) I breaks down to a group G’ x U(1) which contains a U(1) 
factor [e.g., SU(3) x SU(2) x u(l)]; this, of course, iS the goal of 
unification. These monopoles are associated with nontrivial topology in 
the Higgs field responsible for SSB, topological knots if you will, have 

= O(M/a) [= 1Ol6 CeV in SU(5); M - scale of SSBI, and have a 
arge which is a multiple of the Dirac charge. 

Since there exist no contemporary sites for producing particles of 
mass even approaching 10" GeV, the only plausible production site iS 
the early Universe, about lo-” a after ‘the bang’ when the temperature 
was z o(lo'* CeV). There are two ways in which monopoles can be 
produced: (1) as topological defects during the SSB of the unified group 
G; (2) in monopole-antimonopole pairs by energetic particle cOllisionS. 
The first process has been studied by Kibbles’, Preskill”, and 
Zel’ dovich and Khlopov”, and I will review their important COnCluSiOnS 
here. 

The magnitude of the Higgs Field responsible for the SSB of the 
unified group C is determined by the minimization of the Free energy. 
However, this does not uniquely specify the direction of the Higgs field 
in group space. A monopole corresponds to a configuration in which the 
direction of the Higgs field in group space at different points in 
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pnysical space is topologically distinct from the configuration in which 
the tiiggs field points in the same direction (in group space) everywhere 
in pnysical space (which corresponds to no monopole): 

+ = direction of Higgs Field in group space 

+ 
+ t + + + 
+ t + + 

no monopole monopole 

Clearly monopole configurations cannot exist until the SSB CC + C’ 
x UC1 )I transition takes place. When spontaneous symmetry breaking 
occurs, the Higgs field can only be smoothly oriented (i.e., the no 
monopole configuration) on scales smaller than some characteristic 
correlation length 5. On the microphysical side, the inverse Higgs mass 
at the Ginzburg temperature (TG) sets such a scale: 5 = mi’(TGj (in a 
second-order phase transition)5‘. [The Cinzburg temperature 1s the 
temperature below which it becomes improbable For the Higgs field to 
fluctuate between the SSB minimum and $ = 0.1 Cosmological 
considerations set an absolute upper bound: F < dH(= t in the standard 
cosmology). [Note, even if the horizon distance dH(t) diverge:, e.g., 
because R = t” (n > 1) For t < t the physics horizon H sets an 
absolute upper bound on 5, which is nekirically identical.] On scales 
larger than 5 the Higgs Field must be uncorrelated, and thus we expect 
of order 1 monopole per correlation volume (= 5’) to be produced as a 
topological defect when the Higgs field freezes out. 

Let’s focus on the case where the phase transition is either second 
order or weakly-first order. Denote the critical temperature For the 
transition by Tc (= O(M)), and as before the monopole mass by mM = 
O(M/a). The age of thelY;iverse when T = Tc is given in the standard 
cosmology by: tC = 0.3 g+ “~~~‘~“=“Co-fs”;.‘.‘2. For 
iO’* GeV, 

SU(5): T = 

“E: = ‘Ol6 GeV 
Due to the Fact thatCthe 

freezing of t e Higgs Field must bet uncorrelated on scales >_ 5, we 
expect an initial monopole abundance of O(1) per correlation volume; 

uSi:g dti(tc) as an absolute upper bound on 5 this leads to: (nMli = O(1) 
t . Lomparing this to our Fiducial8 S 
iEitia1 monopole-to-entropy and monopoler! 5-baryon number ratios are: ? 

and NBmHOR, we find that the 

nM/s 2 10’ (T,/m ‘, Pl) (3.1a) 

*,,/nB > lOI (T,/m pl)l* (3.lb) 

[Note: <F >, 
r 

the average monopole flux in the Universe, and nM, the 
fraction 0 critical density contributed by mOnOpOleS, are related to 
nM/s and nM/nD by: 

<FM> = 10’“(nM/~) cm-’ at--’ see-’ , (3.2a) 

= (nM/nB) cm-’ sr-l set-’ , (3.2b) 

fiMh= = 102*(n~/3)(mM/10L6GeV) , (3.3a) 
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= 10'L<FM>(mM/lo'6GeV) , (3.3b) 

where :ne monopole velocity has been assumed to be = lo-lc (this 
assumption will be discussed in detail later). 

PrnskillS* has shown that unless “M’s 1s \ 10 -10 
monopole-antimonopole annihilations do not significantly reduce the 
initial monopole abundance. 
reduced 

If ny/s > IO-‘~, he finds that nM/s is 
to = lo-” by annihilations. For T 

nM/.3 is < lo-“, 
< lOIS CeV our estimate for 

and we will find that in tt?e standard cosmo%ogy T must 
be C< 13’S GeV to have an acceptable monopole abundance, so fgr our 
purposes we can ignore annihilations. Assuming that the expansion has 
bee” adiabatic since T = Tc, this estimate for nM/s translates into: 

<FM> 
= 10-3 (Tc/lo” Gev)’ cm-’ sr-’ S-‘, (3.‘(a) 

5-l = 10” (Tc/lO’* GeV)‘(mM/10’6 GeV) (3.'lb) 

--a flux that would make any monopole hunter/huntress ecstatic, and a” 
QM that is unacceptably 
d’i’scussed previously, 

large (except for T 
R can be at most O(few), so ze 

<< lo’* GeV). As was 
have 

problem with 
a very big 

the simplest GUTS (in which T = lo’* GeV). This is the 
so-called ‘Monopole Problem’. The statement thzt O = 10” for T = ,oL* 
GeV is a bit imprecise; clearly if k < 0 (c!rrespo”ding t$ R~< 1) 
monopole production cannot close the Universe (and in the process change 
the geometry from being infinite in extent and negatively-curved, to 
being finite in extent and positively-curved). More precisely, a large 
monopole abundance would result in the Universe becoming 
matter-dominated much earlier, at T = 10’ GeV CT /lo’* 
GeV), 

GeV) ’ 
and eventually rea hing a temperatur 

(mM/l 0” 

= 10* Yrs(T /lo’* GeVjm3 $2 72 
of 3 ff at the young age of t 

O(few) implfes that 
(mM/iolb CeV)-’ . The requirement that RN 5 

T c < 10” GeV (CL, < few) 

where I have taken m to be O(100 T 
for 5, ,even this is Erobably not 

). Note, given the generous estimate 
sa E e; if one had a GUT in which T = 

10" GeV a more careful estimate for E, would be called for. c 

The ?arker bound (to be discussed below) on the average monopole 
flux in the galaxy, <F,,> 5 10-l’ cm-* sr-l s-l, results in a slightly 
more stringent constraint: 

Tc I 10” CeV (Parker bound) 

The most restrictive constraints on T follow from the neutron star 
catalysis bounds on the monopole flux (also to be discussed below) and 
the most restrictive of those, <FM> i lo-*’ cm-’ ar-’ s-l, implies that 

T c < lo6 GeV (Neutron star catalysis bound) 
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?:ote, to obtain these bounds I have compared my estimate for the 
average monopole flux in the Universe, Eqn. 3.4a. with the astrophysical 
bounds on the average flux of monopoles in our galaxy. If monopoles 
cluster i” galaxies (which I will later argue is unlikely), then the 
average galactic-flux of monopoles is greater than the average flux of 
monopoles in the Universe, making the above bounds on Tc more 
restrictive. 

If the GUT transition is strongly first order (I am excluding 
inflationary Universe scenarios for the moment), then the transition 
‘4 1 1 : Jroceed by bubble nucleation at a temperature Tn (CC T,), when the 
nucleation rate becomes comparable to the expansion rate H: Within each 
bubble the Higgs field is correlated; however, the Hii field in 
different bubbles should be uncorrelated. Thus one would expect O(1) 
monopole per bubble to be produced. When the Universe supercools to a 
temperature T”, bubbles nucleate, expand, and rapidly fill all of space; 
if Pb i 

“Y 
s the typical size of a bubble when this occurs, the” one expects 

to be ‘r . After the bubbles coalesce, and the Universe reheats, 
the entropy densbity iS once again s = g, Tc’, so that the resulting 
monopoie ‘,O entropy ratio is: nMIS = (g*r ‘T 3)-1. Cuth and Weinberg” 
have calculated r and find that r = (m I# Z’F/ln(m */T ‘1 
a relatively accu!ate estimate forbthe mgAop$le abun8&nce? 

, leading to 

, “~1s = Cln(mpl’~T~*)(Tc~mpl)l , 

which is even more disaaterous than the estimate for a 

(3.5) 

second order 
phase transition [recall, however, estimate 3.1 was an absolute lower 
bound]. 

The bottom line is that we have a serious problem here--the 
standard cosmology extrapolated back to T = T and the simplest GUTS are 
incompatible (to say the least). One (or ‘both) must be modified. 
Although this result is discouraging (especially when viewed in the 
light of the great success of baryogenesis), it does provide a valuable 
piece of information about physics at very high energies and/or the 
earliest moments of the Universe, in that regard a ‘window’ to energies 
? 10’” GeV and times < lo-‘* sec. 

A number of possible solutions have been suggested. To date the 
most attractive is the new inflationary Universe scenario (which will be 
the subject of Lecture 4). In this scenario, a small region (size < the 
horizon) within which the Higgs field could be correlated, grows to a 
size which encompasses all of the presently observed Universe, due to 
the exponential expansion which occurs during the phase transition. This 
results in leas than one monopole in the entire observable Universe (due 
to Kibble production). 

Let me very briefly review some of the other attempts to solve the 
monopole problem. Several people have pointed out that if there is no 
complete unification [e.g., if G = H x U(l)], or if the full symmetry of 
the GUT is not restored~in the very early Universe (e.g., if the maximum 
temperature the Universe reached was < T or if a large lepton 
numbers’, nL/ny > 1 , prevented symg;try restoration at high 
temperature), then there would be no monopole problem. However, none of 
these possibilities seems particularly attractive. 
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Several authors”-” have studied the possibility that 
monopole-antimonopole annihilation could be enhanced over Preakill’s 
estimate, due to j-body annihilations or the gravitational clumping of 
monopoles (or both). Thus far, this approach has not solved the problem. 

Bais and Rudaz” have suggested that large fluctuations in the 
Hiisgs field at temperatures near T could allow the monopole density to 
relax to an acceptably small valuz. They do not explain how this 
mechanism can produce the acausal correlations needed to do this. 

Scenarios have been suggested in which monopolea and ant imonopoles 
form bound pairs connected by flux tubes, leading to rapid 
monopole-antimonopole annihilation. For example, Linde’* proposed that 
at high temperatures color magnetic charge is confined, and Lazarides 
and Shafi” proposed that monopoles and antimonopoles become connected 
by 2’ flux tubes after the SU(2) x U(1) SSB phase transition. In both 
cases, however, the proposed flux tubes are not topologically stable, 
nor has their ,existence even been demonstrated. 

Langacker and Pi” have suggested a solution which does seem to 
work. It is based upon an unusual (although perhaps contrived) symmetry 

breaking pattern for SU(5): 

SU(5) + SU(3) x SU(2) x U(1) + SU(3) * SU(3) x U(1) 

Tc = 10” GeV Tl T2 +--------+ 
superconducting phase 

(note T, could be equal to T ). The key feature of their scenario i3 the 
existence of the epoch (f = T, + T,) in which the U(1) of 
electromagnetism i-a spontaneously broken (a superconducting phase); 
during this epoch magnetic flux must be confined to flux tubes, leading 
to the annihilation of the monopoles and antimonopolea which were 
produced earlier on, at the GUT transition. Although somewhat contrived, 
their scenario appears to be viable (however, I’ll have more to say 
about it shortly). 

Finally, one could invoke the Tooth Fairy (in the guise of a 
perfect annihilation scheme). E. Weinberg” has recently made a very 
interesting point regarding ‘perfect annihilation schemes’, which 
applies to the Langacker-Pi scenario6’, and even to a Tooth Fairy which 
operates causally. Although the Kibble mechanism results in equal 
numbers of monopoles and antimonopolea being produced, Ei Weinberg 
points out that in a finite volume there can be magnetic charge 
fluctuations. He shows that if the Higga field ‘freezes out’ at T = Tc 
and is uncorrelated on scales larger than the horizon at that time. the” 
the expected net RMS magnetic charge in a volume V which is much bigger 
than the horizon is 

A”M = (v/t,)) 1’3. (3.6) 

He then considers a perfect, causal annihilation mechanism which 
operates from T = T, + T, (e.g.. formation of flux tubes between 
monopolea and antimonopoles). At best, this mechanism could reduce the 



37 

monopole abundance down to the net ?,MS aagnecic charge contained in the 
horizon at T = T,, leaving a final monopole abundance of 

nM/s = 102 TcT,‘/mp13, (3.7) 

resulting in 

gM 2 O.l(T,/lO’* GeV)(m,.,/10L6 GeV)(T,/lO ’ CeVj2, (3.8a) 

<FM> L IO ~"~T~/i~~*~~~)(~,/io~~~v)~~~~~sr~'~~'. (3.8b) 

It is difficuit to imagine a perfect annihilation mechanism which could 
operate at temperatures <_ 10’ GeV, without having to modify the standard 
SU(2) x U(1) electroweak theory; for T 
Weinberg’s arguments7 

= lOI* CeV and T3 = 10’ CeV 
implies that <FM> must be >- lo-* cm ’ Sr 

,*, - 
s F: 

which would be in conflict with the most stringent neutron star 
catalysis bound, FM < JO-” cms2 sr-’ s-l. 

Finally, I should emphasize that the estimate Of nM/s based upon c 
( dH(t) is an absolute (and very generous) lower bound to rim/s. Should a 
aode be found which succeeds in suppressing the mOnOpOle abundance to 
a* acceptable level (e.g., by having T << lo’* GeV or by a perfect 
annihilation epoch), then the estimate foCr 5 must be refined and 
scrutinized. 

If the glut of monopoles produced as topological defects in the 
standard cosmology can be avoided, then the only production mechanism is 
pair production in very energetic particle collisions, e.g., particle(s) 
+ antiparticle(s) + monopole + antimonopole. [Of course, the ‘Kibble 
production’ of monopoles might be consistent with the standard COSmOlOgY 
(and other limits to the monopole Flux) if the SSB transition occurred 
at a low enough temperature, say << O(10” GeVj.1 The numbers produced 
are intrinsically small because monopole configurations do not exist in 
the theory until SSB occurs = M = scale of SSB), and have a mass 
O(M/cr) = 100 M = 100 T 

(Tc 
For this reason they are never present in 

equilibrium numbers; howevgr, some are produced due to the rare 
collisions of particles with sufficient energy. This results in a 
present monopole abundance of “-‘O 

nM/s = 10’ (mM/Tmax)’ exp(-2mM/Tmax), (3.9a) 

OM = 1026(m~/10’6CeV~~mM/Tmax)3exp~-2mM/T,,,~, (3.9b) 

<FM> = 10'2cm -2sr-‘s-‘(mM/Tmax)g exp(-ZmM/Tmax), (3.9c) 

where T max is the highest temperature reached after SSB. 

In general, m /T 
0(10-” cm-* sr -v sme’l-I O(100) so that RM = O(10 

-*o) and <FM> = 
a negligible number of monopoles. However, the 

number produced is exponentially sensitive to mM/Tma,, so that a factor 
of 3-5 uncertainty in mM/Tmax introduces an enormous uncertainty in the 
predicted production. For example, in the new inflationary Universe, the 
monopole mass can be = the Higgs field responsible for SSB, and as that 
field oscillates about the SSB minimum during the reheating process mM 
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also oscillates, leading to 
Eqns. 3.9a,b,c is replaced 

enhanced monopole production [mM/Tmax in 
where f < 1 depends upon the 

details of reheating; see refs. 

Cosmology seems to leave the poor monopole hunter/huntress with two 
firm .predictions: that there should be equal numbers of north and south 
poles : and that either far too few to detect, or far too many to be 
consistent with the standard cosmology should have been produced. The 
detection of any superheavy monopoles would necessarily send theorists 
back to their chalkboards! 

From Birth Through Adolescence (t=lO-“set to t=3xlO”sec) 

AS mentioned in the previous section, monopoles and antimonopoles 
do not annihilate in significant numbers: however, they do interact with 
the ambient charged particles (e.g., monopole + e- ++ monopole + e-1 and 
thereby stay in kinetic equilibrium (KE = 3T/2) until the epoch of e+ 
annihilations CT = l/2 MeV. t = 10 s). At the time of ef annihilations 
monopoles and antimonopoles should have internal velocity dispersions 
of: 

<vM2>1’2 = 30 cm s-’ (10L6 GeV/mM) 1’2. 

velocity dispersion decays = R(t)-‘, so 
and magnetic effects, today they sho” 
dispersion of 

After this monopoles are effectively collisionless, and their 
that if we neglect gravitational 
ld have an internal velocity 

)1/Z. <VMZ> 1’2 = 10-O cm s-l (10” GeV/mM 

Since they are collisionless, only their 
them against gravitational collapse. 
dispersion to support them they are 
scales of astrophysical interest (AJeans 

velocity dispersion can support 
With such a small velocity 
gravitationally unstable on all 
= 10-10 LY). 

After decoupling (T = l/3 eV, t = 10” s) [or the epoch of matter 
domination in scenarios where the mass of the Universe is dominated by a 
nonbaryonic component], matter can begin to clump, and structure can 
start to form. Monopoles, too, should clump and participate in the 
formation of structure. However, since they cannot dissipate their 
gravitational energy, they cannot collapse into the more condensed 
objects (such as stars, planets, the disk of the galaxy. etc.) whose 
formation clearly must have involved the dissipation of gravitational 
energy. Thus, one would only expect to find monopoles in structures 
whose formation did not require dissipation (such as clusters of 
galaxies, and galactic haloes). However, galactic haloes are not likely 
to be a safe haven for monopoles in galaxies with magnetic fields; 
monopoles less massive than about 10” GeV will, in less than 10” yrs, 
gain sufficient KE from a magnetic field of strength a few x lo-’ G to 
reach escape velocity”. We are led to the conclusion that init ially 
monopoles should either be uniformly distributed through the CoSmOS. Or 
clumped in clusters of galaxies or in the haloes of galaxies with weak 
or non-existent magnetic fields. Since our own galaxy has a magnetic 



39 

field of strength = few x lo-’ G, and is not a member of a cluster of 
galaxies, we would expect the local flux of monopoles to be not too 
different from the average monopole flux in the Universe. 

Although monopoles initially have a very small internal velocity 
dispersion, there are many mechanisms for increasing their velocities. 
First, typical peculiar velocities (i.e., velocities relative to the 
Hubble flux) are o(1o-3 c), 
velocity of lo-lc. 

leading to a typical monopole-galaxy 
Monopoles will be accelerated by the gravitational 

fields of galaxies (to = lo-’ c = orbital velocity in the galaxy), and 
if they encounter them, clusters of galaxies (to = 3 x lo-’ c). A 
typical monopole. however, will never encounter a galaxy or a cluster of 
galaxies, the respective mean free paths being: L gal (’ 102” cm = lo-’ c 

x age of the Universe) and Lcluster = 3 x 10’0 cm. 

Monopoles will also be accelerated by magnetic fields. The 
intragalactic magnetic field strength is < 3 x lo-” C (ref. 74), and 
results in a monopole velocity of 

“M = 3 x lo-* c (B/IO-” G)(10’6 GeV/mM). 

The galactic magnetic field will accelerate monopoles in our galaxy to 
velocities of’) 

“M = 3 x 10~’ c (1~0” GeV/mM)l”. 

Taking all of these ‘sources of velocity’ into account, we can make 
an educated estimate of the typical monopole-detector relative velocity 
(see Table 3.1). From Table 3.1 below it should be clear that the 
typical monopole should 
10-3 

be moving with a velocity of at least a few x 
c with respect to an earth-based detector. It goes without saying 

that ‘this fact’ is an important consideration for detector design. 

Although planets, stars, etc. should be monopole-free at the time 
of their formation, they will accumulate monopoles during their 
lifetimes. The number captured by an object is 



Table 3.1 Typical Monopole-Detector Relative Velocities 

DETECTOR VELOCITY MONOPOLE VELOCITY 

,orbit in 213~2 10-3 c galactic 3 x 1Om3 c (10’6GeV/mM)1’2 
galaxy B-field 

orbit in lo-' c grav. acceleration 1o-3 c 
solar system by galaxy 

grav. acceleration lo-* c 
by sun 

monopole-galaxy 10-a c 
relative velocity 

NM _ (4nRZ)(n-sr)(l + 2GM/RvMZ)<FM>cr, (3.10) 

where M, R and T are the mass, radius and age of the object, vM is the 
monopole velocity, and E is the efficiency with which the object Stops 
monopoles which strikes its surface. The efficiency of capture E depends 
upon the mass and velocity of the mOnOpOle, and its rate of energy loss 
in the object. The quantity (1 + 2GM/R vMt) is just the ratio of the 
capture cross section to the geometric cross section. Main sequence 
stars of mass (0.6 - 30)Mo will capkure monopoles less massive than 
about 10” GeV with velocities <- 10 c with good efficiency (E = 1); in 
its main sequence lifetime a star will capture approximately lo’* F-,, 
monopoles (essentially independent of its mass). 
.,o-‘6 cm-2 sr-l s-1* 

Here <FM> - F-,, 
Neutron stars will capture monopoles less massive 

than about 1020 GeV with velocities < 1o-3 c with unit efficiency, 
capturing about 10” F-i, monopoles in 10" yrs. ?lanets like Jupiter 
can stop monopoles less massive than about 10” GeV with velocities < 
lo-“, accumulating about 10” F-,6 monopoles in 10" yrs.". A planet 
like the earth can only stop light or slowly-moving mOnopOleS” (for mM 
;n;;;Ls;;;g ;lisupsst be i 3 x lo-’ c). Once inside, mO?OpOleS can do 

like catalyze nucleon decay (to be discussed below), 
.dhich keeps the ob;ect hot (and leads to a potentially observable photon 
flux), and eventually depletes the object of all its nucleons. A 

will cause a neutron star to 
a Jupiter-like planet to evaporate in 5 

planet to evaporate in 10'0 
Accretion of monopoles by astrophysical objects, 

however, does not significantly reduce the monopole flux: the mean free 
path of a monopole in the galaxy is = lo*' cm. 

What are Monopoles Doing Today?--Astrophysical Constraints 

The three most conspicuous properties of a GUT monopole are : (1) 
macroscopic mass (= M/a--10*' GeV = 10-O gc;;;jSU(5)); (ti! he,;; 
magnetic charge h = n 69e (n = ?l, +2, . ..)Z the ability 
catalyze nucleon decay. Because of these properties, monopoles, if 
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present, should be doing very astrophysically interesting things 
today--so interesting and so conspicuous that very stringent 
astrophysical bounds 
3.1). 

can be placed upon their flux isummarized in Fig. 

Theoretical-prejudice strongly favors the flat 
(i.e., n = 1). As 

cosmological model 
I discussed in Lecture 1 big bang nucleosynthesis 

strongly suggests that baryons contribute R 
flat 

b < 0.15. In addition, the 
rotation curves of galaxies provide strong evidence that most of 

the mass associated with a galaxy is dark and exists in an extended 
structure (most likely a spherical halo). Monopoles are certainly a 
candidate for the dark matter in galaxies and~for providing the closure 
density. 

As I discussed in the first lecture the age of the Universe implies 
that RhZ 5 O(1): if monopoles are uniformly distributed in the cosmos, 
then this constrains their average flux to be 

<FM> < 10~” cm-*sr-1s-'(mM/10~6 GeV)-‘, (3.11) 

cf. Eqn. 3.3b. For comparison lo-‘* cm-l sr-’ 
(soccerfield)-’ yr.-’ 

s-1 = 30 monopoles 

If monopoles are clustered in galaxies the local galactic flux 
be significantly higher. 

can 

is about 1O-23 gem-‘; 
The mass density in the neighbbrhood of the sun 

of this about l/2 is accounted for (stars. gas, 
dust, etc. ). Monopoles can at most provide the other l/2, resulting in 
the flux bound 

FM < 5 x lo-” cm-’ srel s-l (mM/1~~6 Gel,)-*. (3.12) 

Actually the bound is probably at least a factor of 1 O-30 more 
stringent. The unseen material has a column density (- Ipdz) of no more 
than about (30 kpc)(lO-” gem-‘) ( as determined by studying the mot ions 
of stars in the stellar neighborhood” 1. Since monopoles are effectively 
collisionless, if present, they would be distributed in an extended 
spherical halo. Flat rotation curves indicate that the scale of galactic 
halos is O(30 kpc), so that the local column density of halo material is 

5 al0 x 30 kpc. Comparing this to the bound on the I’;:1 
unseen material it follows that locally ph lo < 10 g 

coluni: density 
cm . Using 

this as the limit to the density contributed 8y monopoles the flux bound 
3.12 becomes 

FM i 10-1’cm-2sr-1s-‘(mM/~O~~GeV)-‘. (3.13) 

A monopole by virtue of its magnetic charge will be accelerated by 
magnetic fields, and in the process can gain KE. Of course, any KE 
gained must come from somewhere. Any gain in KE is exactly compensated 
for by a loss in field energy: AKE = -A[(B*/8n) x Voll. Consider a 
monopole which is initially at rest in a region of uniform magnetic 
field. It will be accelerated along the field and after moving a 
distance e the monopole will have 

KE ; hB9. = 10”GeV(B/3x10-6G) (f./3OOpc), (3.14) 
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Fig. 3.1 Summary of the astrophysical/cosmologfcal limits to the 
monopole flux as a function of monopole mass. Uhe;ever 
necessary the monopole velocity is taken to be 10 c. 
The monopole catalysis -bound based upon-white dwarfs 
(ref. 93) is: FM ( 2 x 10 ** (-av)I:, cm-’ sr ’ s ’ (not 
show here). The line labeled ‘magnetic plasma 
oscillations’ is the lower bound to the flux predicted in 
scenarios which evade the ‘Parker bound’ by having 
monopoles participate in the maintenance of the galactic 
B field. 



43 

v 
mag 

= (2hBt/mmj”’ 

= 3x10 -'c(B/3xlo-~G) .15) “2(~/300pc)“Z(10”GeV/mM)~‘z. (3 

initially at rest the story is a 
iting situations, and they are character 

initial velocity of the monopole, vo, 

If the monopole is not 
different. There are two lim 
by the relative sizes of the 

bit 
‘ized 

and 
the velocity just calculated above, “mag’ First, 
moving slowly compared to v << Y = (2hBt/m)’ 

)$ the monopole is 
, then it will 

undergo a large deflectio!ag;ev?o them%8gnetic field and its change in 
KE will be given by 3.14. On the other hand, if Y then 
monopole will only be slightly deflected by the Pag~~ti~m?~~ld, and “ii”, 
change in KE will depend upon the direction of its motion ~relative to 
the magnetic field. In this situation the energy gained by a spatially 
isotropic distribution of monopoles. or a flux of equal numbers of north 
and south poles will vanish at first order in B-some poles will lose KE 
and some poles will gain KE. However, there is a net gain in KE at 
second order in B by the distribution of monopoles as a whole: 

CAKE> = (hB!Z) (vo/v mag)z’4 (per monopole). (3.16) 

For the galactic magnetic field B - 3 x lo-' G. t = 3~00 pc, and v = 3 
x 10 -‘c (101’ GeV/m)“‘. Since v - I()-’ c, monopoles less massive magthan 
about 10” GeV will undergo lzrge deflections when moving through the 
galactic field and their gain in KE is given by Eqn. 3.14. Because of 
this energy gain, monopoles less massive than 10" GeV will be ejected 
from galaxies in a very short time, and thus are unlikely to cluster in 
the haloes of galaxies. In fact the second order gain in KE will 
“evaporate” monopoles as massive as O(10 20GeV) in a time less than the 
age of the galaxy”. Although consideration of galaxy formation would 
suggest that monopoles should cluster in galactic haloes, galactic 
magnetic fields should prevent monopoles less massive than O(lOzo GeV) 
from clumping in galactic haloes. [These conclusions are not valid if 
the magnetic field of the galaxy is in part produced by monopoles, a 
point to which I will return.] 

The “no free-lunch principle” CAKE = -A Magnetic Field Energy) and 
formulae 3.15 and 3.16 can be used to place a limit on the average flux 
of monopoles in the galaxy.7197’-‘0 If, as it is commonly believed, the 
origin of the galactic magnetic field is due to dynamo action, then the 
time required to generate/regenerate the field is of the order of a 
galactic rotation time = O(10' yr). Demanding that monopoles not drain 
the field energy in a time shorter than this results in the following 
constraints: 

mM < 10” CeV: 

F < io-1scm-2sr-1s-1(B/3 x 10s6 C) (3 x 10' yr/?) x 

(t-130 kpc ) 

mM t. 10" GeV: 

F < 10-‘6cm-2sr-‘s 

1’2 (300 pc/L)“2, 

* (mM/ioL6 GeV)(3x107yr/~)(300Pc/e), 

(3.17) 

(3.18) 



where Y has been assumed to be lo-' c, 7 is the regeneration time of 
the fiePd, 2 is the coherence length of the field, and r is the size of 
the magnetic field region in the galaxy. Constraint 3.17 which applies 
to 10'6 CeV monopoles is very stringent (less than 3 monopoles soccer 
fieid-' yr-' ) and is known as the "Parker bound." For more massive 
monopoles (> 10Ir GeV) the "Parker bound" becomes less restrictive70"3 
(because the-KE gain is a second order effect); however, the mass 
density constraint becomes more restrictive (cf. Fig. 3.1). These two 
bounds together restrict the flux to be < lo-" cm-' sr-l S-' (which iS 
allowed for monopoles of mass = 3 x 10" GeV). 

Analogous arguments can be applied to other astrophysical magnetic 
fields. Rephaeli and Turner" have analyzed intracluster (IC) magnetic 
fields and derived a flux bound of O(lO-" cmw2 Sr-' s-') for monopoles 
less massive than O(10" GeV). Although the presence of such fields has 
been inferred from diffuse radio observations for a number Of clusters 
(including Coma), the existence of IC fields is not on the same firm 
footing as galactic fields. It is also interesting to note that the IC 
magnetic fields are sufficiently weak so that only monopoles lighter 
than O(10i6 GeV) should be ejected, and thus it iS very likely that 
monopoles more massive than 10" CeV will cluster in rich clusters of 
galaxies, where the local mass density is O(lOZ-10') higher than the 
mean density of the Universe. Unfortunately, our galaxy iS not a member 
of a rich cluster. 

Several groups have pointed out that the 'Parker bound' can be 
evaded if the monopoles themselves participate in the maintenance of the 
galactic magnetic field.'3*at-8' In such a scenario a monopole magnetic 
plasma mode is excited, and monopoles only 'borrow the KE' they gain 
from the magnetic field, returning it to the magnetic field a half cycle 
later. In order for this to work the monopole OScillatiOnS q USt maintain 
coherence; if they do not 'phase-mixing' (Landau damping) will cause the 
oscillations to rapidly damp. The criterion for coherence to be 
maintained is that the phase velocity of the oscillations v 
w l(e/2n) be greater than the gravitational velocity dispersion oPhth: 
mgnopoles (' 10 'c); fi = wavelength of the relevant mode = coherence 
length of the galactic field ( 1 kpc. The monopole plasma frequency is 
given by 

wPl = (4nh2n,.,/mM)"', (3.19) 

where n is the monopole number density. The condition that 
10 -'c iE;iplies a lower bound to flux of 

vph be 2 

FM > 114 mM vi,," (he)-'* 

(3.20) 

Incidently, this also implies an upper bound to the OScillatiOn period: 
= 3 x 106 

'to ~th~~'~~~a~t~~v&~i?~scales. 
yr (L/lkpc)--a very short time compared 

While it is possible that such scenarios could allow one to beat 
the 'Parker bound'. a number of hurdles remain to be cleared before 



45 

these scenarios can be called realistic or even viable. To mention a 
few, monopole oscillations can always be damped On sufficiently small 
scales : reca 11 

syst~E”-c~upl~81’*n)~)~ 
and nonlinear effects in this very 

complicated electric and magnetic plasmas in a 
self-gravitat ing fluid, tend to feed power from large scales down to 
small scales. Can the coherence of the oscillations which iS SO crucial 
be maintained both spatially and temporally in the presence of 
inhomogeneities (after all the galaxy is not a homogeneous fluid)? 

Finally, as the observational limits continue to Improve, the large 
monopole flux predicted in these models will be the ultimate test. 
Already, the oscillation scenario for mM = 10” GeV is probably 
observationally excluded. 

Perhaps the most intriguing property of the monopole is its ability 
to catalyze nucleon decay with a strong interaction cross section: (ov) 
= 10-2a cm’. Since the symmetry of the GUT is restored at the monopole 
core, one would expect, on geometric grounds, that monopoles would 
catalyze nucleon decay with a cross section = M-* = 10-56 cm’ (M-1 = 
size of monopole core)--which of course is utterly negligible. Rubakov’* 
and independently Callan” showed that due to the singular nature of the 
potential between the s-wave of a fermion and a monopole, the fermion 
wave function is literally sucked into the core (technically, One might 
call this ’ s-wave sucking’), with the cross section saturating the 
unitarity bound: (ov) = (fermion energy)-‘, or for low energies (ov) = 
(fermion mass)-‘. 

Needless to say, monopole catalysis has great astrophysical 
potential! For comparison, the nuclear reaction 4p + *He + 2e+ + 2ve 
which powers most stars proceeds at a weak interaction rate (first step: 
P + P + D) and releases only about 0.7% of the rest mass involved, while 
monopole catalysis proceeds at a strong interaction rate and releases 
100% of the rest mass of the nucleon (e.p., M + n + M + T- + e+). The 
energy released by monopole catalysis is 3 x 10’ erg s-1 

(0”) -,,(p/lgcmm3) per monopole; only about 10” monopoles in the sun (’ 
105’ nucleons) are needed to produce the solar luminosity (’ 4 x 10” 
erg s-l). Here and throughout I will parameterize (ov) by: 

(0~) = (oV)-~~ c 10” cm2. 

Because of their awesome power to release energy via catalysis. 
there can’t be too many monopoles in astrophysical objects like Stars. 
planets, etc.. otherwise the sky would be aglow in all wavebands from 
the energy released by monopoles. [This energy released in catalysis 
would be thermalized and radiated from the surface of the object.] The 
measured luminosities of neutron stars 

5’; 
white dwarfs (some as low as 10z9 err3 

(s;tn~ as low as 3 x 10” erg 
); Jupiter (lo*’ erg 

); and the Earth (3 x 10” erg s-’ ) imply upper limits to the number 
of monopoles in these objects: some neutron stars (5 10” (0”)::. 
monopoles); some white dwarfs (5 10~~ (cv)I:,monopoles); Jupiter (5 10” 
(ov,::, monopoles); and the Earth (I; 3 x 10” (ov,::. monopoles). In 
order to translate these limits into bounds on the monopole flux and 
abundance we need to know how many monopoles would be expected in each 



cf these objects. As I discussed earlier, ab initio we would expect very 
few; : hose present must have been captured since the formation of the 
,bJ ec’, . The number is (I F 
above can be Used to 

,,,,~,~n~ ~~,g~~f~,~~,~~~~,~.10; hence the limits 

The most str-ingent limit on F follows from considering neutron 
s;ars. A variety of techniques !ave been used to obtain limits to the 
iuminosities of neutron stars [recall the limit to the number of 
monopoles is: NM < iuminosit.y/(lO"erg a-' C0V)-18 (p/3xlO'*g cm-‘11. 1 
;iill just discuss one. The other techniques lead to similar bounds on FM 
and are reviewed in ref.86. 

PSR 1929 + 10 is an old (’ 3~10~ yr), radio pulsar whose distance 
from the earth is about 60 pc. The Einstein x-ray observatory was used 
to measure the luminosity of this pulsar, and it was determ,ined to be L 
= 3 x 10" erg s-' corresponding to a surface temperature of about 30 
eV, making it the coolest neutron star yet observed. In it.3 tenure as a 
neutron star it Shouid have captured 13” Fmrs monopoles. The measured 
1Uminosity sets a limit to the number of monopoles in PSR 1929 + 10, NM 
< 10’2 (ovl-:,,, which in turn can be used to bound <FM>: 

<FM> < lD-2’(av)l:,cm-2sr-‘s-’ (3.21) 

--which is less than one monopole Munich-’ yr-‘! 

The progenitors of neutron stars are main sequence ( MS ) stars of 
mass (l-30)M 

9 
which were either too massive to become white dwarfs 

(WDs). or eve ved to the WD state and were pushed over the Chandrasekhar 
limit by accretion from a companion star. Freese etal.” have calculated 
that MS stars in the mass range (l-30)Me will Qy;i;;dt;eir M.Sa lifetime 
capture (1 O”-1 Oz5)F-, 6 monopoles (for v < 10 GeV. and 
depending on the star’s mass). The proge!iiok’of PSR 1999 + 10 should 
have captured at least lo6 times more monopoles than the neutron star, 
and Freese etal.‘5 argue that it is likely that a fair fraction of them 
should be retained in the neutron Star. If we include these mOnOpOleS, 
the bound improves significantly, to 

(3.22) 

--less than one monopole earth-’ yr-‘! 

How reliable are these astrophysical bounds? The most stringent, 
Eqn. 3.22. relies upon an additional assumption, that the monOpOleS 
captured by the progenitor MS star make their way into the neutron Star. 
aoth bounds (and all catalysis bounds) are = (ov)-‘. If the cross 
section for catalysis is not large, e.g., because the physics at the 
core of the monopole does not violate 6 conservation (such is the case 
for the Z, monopoles in su(lo))e’*“B, or because the Callan-Rubakov 
calculation is incorrect, then the catalysis limits are not Stringent. 

In addition there are astrophysical uncertainties. Hot neutron 
stars radiate both Ys and via, but only the photons can be detected. The 
ratio of these luminosities has been calculated for various neutron Star 
equations of state and was taken into account in deriving the Catalysis 
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.g. 3*2 The ratio of the total luminosity (- Lv + LV) of a hot 
neutron star to its photon luminosity as a function Of 
LY. The different curves represent different zeutrgn star 
equations of state: q (quark matter); n , II (pion 
condensate); the rest are more conventional equations of 
state (from ref. 86). 
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bounds. [For LY i 10” erg s-l, L is typically < LY; while 
lO’2 erg 3-l Lv can be (lo’-lo’) “L 

for 

See Fig. 3.2.1 Monopoles 
L-f 2 

less 
massive than about lo’* GeV mayYie deflected away from neutron stars 
with B fields $ 1012 c; monopoles inside neutron stars which have pion 
condensates ln their cores L!!Q be ejected by the so-called 
‘pion-slingshot effect’.” 

The strength of the neutron star catalysis bounds lies in the 
number of different techniques which have been used. Individual objects 
have been studied” (PSR 1929 + 10 and 10 or so other old radio 
pulsars); searches for bright, nearby x-ray point sources have been made 
with negative resultsgl [the number density of old (’ 10” yrs) neutron 
stars in our neighborhood should be 2 lo-* PC-‘, implying that there 
should be O(100) or so within 100 pc of the solar system - if due to 
‘monopole heating’ their luminosities were >_ 10’1 erg 3-l they would 
surely have been detected]; the integrated contribution of old neutron 
stars to the diffuse soft x-ray background has been used to limit the 
average luminosity of an old neutron star (5 10’2 erg s-l) and in turn 
the monopole flux*“6*91.~2 The three techniques just mentioned involve 
different astrophysical assumptions and uncertainties, but all result in 
comparable bounds to <FM>: <F > < lo-” (ov)-t,, cm-* sr-’ 5-l. Although 
I will not discuss it here, t e same analysis has been applied to WDs,” !I 
and results a less stringent 
10-“~~V)-~,~cm-2S~n1S-1 

bound, <F> I 2 x 
, but more importantly one whit fl involves a 

different astrophysical system. 

If monopoles catalyze nucleon decay with a large cross 
(ov)-*B 

sect ion, 
not too much less than order unity, then, based upon the 

astrophysical arguments, it seems certain that the monopole flux must be 
small (<< 10-“cm-‘sr-lsec-‘). On the other hand, if the monopoles of 
interest do not catalyze nucleon decay at a significant rate (for 
whatever reason), then the ‘Parker bound’ is the relevant (and I believe 
reliable) constraint, with the outside possibility that it could be 
exceeded due to monopole plasma oscillations (--a scenario which is very 
astrophysically interesting!). 

honopole Hunting 

There are two basic techniques for detecting a monopole: (1) 
inductive - a monopole which passes through a loop will induce a 
persistent current a h/L (L = inductance of the loop = radius, for a 
circular loop); (2) energy deposition - a monopole can deposit energy 
due to ionization [dE/dx = (10 MeV/cm)(v/10-3c)(p/lgcm-3)~, or 
indirectly by any nucleon decays it catalyzes. Method (1 ) has the 
advantage that the signal only depends upon the monopole’s magnetic 
charge (and can be calculated by any first year graduate student who 
knows Maxwell’s equations), and furthermore because of its unique 
signature (step function in the current) has the potential for cl an 
identification. However, because the induced current = L-’ = Area-’ k 
the simplest loop detectors are limited in size to ( Tmz (lm2 x 2~ - sr 
x lyr = 10” cm’ sr set). In method (2) the detection signal depends 
upon other properties of the monopole (e.g. velocity, ability to 
catalyze nucleon decay), and the calculation of the energy loss is not 
so straightforward, as it involves the physics of the detector material. 



however, it is very straightforward to fabricate very large detectors of 
this type. 

On 14 February 1982 using a superconducting loop Bias Cabrera 
detected a jump in current of the correct amplitude for a Dirac magnetic 
charge. ” His exposure at that time was about 2 x 10’ cm2 sr 
naively 

s--which 
corresponds to an enormous flux (’ 6 x lo-'O cmm2 sr-' s-l), 

especially when compared to the astrophysical bounds 
Sadly, 

discussed above. 
since then his exposure has increased more than loo-fold with no 

additional candidates.” ionization type searches 
lo’* cm 

with exposures upio 
sr 5, sensitivities to monopole velocities 3 x lo-" - 3 x lo-' 

c, and no candidates have been reported. Searches which employ large 
proton decay detectors to search formultiple, colinear proton decays 
caused by a passing monopole with similar exposures (although these 
searches are only sensitive to specific windows in the (ov) - vM space) 
have seen no candidate events. [There is a bit of a Catch 22 here: if ov 
is large enough so that a monopole would catalyze a string of proton 
decays in a proton decay detector ((ov)-2(1 = O(l)),- then the 
astrophysical bounds strongly suggest that <FM> <- 10wzl cm ’ Sr-’ s-l.1 
The most intriguing search done to date involves the etching of a 
ayr 

l/2 
old piece of mica of size a few cm’ (exposure = 10” cm’ sr s).” A 

monopole passing through mica leaves no etchable track; however, a 
monopole with a nucleus with 2 >- 10 (e-g. Al) attached to it leaves an 
etchable track. Unfortunately, the negative results of searches of 
type 

this 
imply flux limits = (probability of a monopole picking a nucleus 

and holding on to it)-‘.~ However exposures of up to 10" cm' sr s can 
possibly be achieved, and if a track is seen, it would be a strong 
candidate for a monopole. [Very thorough and excellent reviews of 
monopole searches and searching techniques can be found in refs.97, 98.1 

Concluding Remarks 

What have we learned about GUT monopoles? (1) They are exceedingly 
interesting objects, which, if they exist, must be relics of the 
earliest moments of the Universe. (2) They are one of the very few 
predictions of GUTS that we can attempt to verify and study in our low 
energy environment. (3) Because of the glut of monopoles that 
nave 

should 
been produced as topological defects in the very early Universe, 

the simplest GUTS and the standard cosmology (extrapolated back to times 
as early as = lo-'* s) are not compatible. This is a very important 
piece of information about physics at very high energies and/or the 
earliest moments of the Universe. (4) There is no believable prediction 
for the flux of relic, superheavy magnetic monopoles. (5) Based upon 
astrophysical considerations, we can be reasonably certain that the flux 
of relic monopoles is small. Since it is not obligatory that monopoles 
catalyze nucleon decay at’s prodigious rate, a firm upper limit to the 
flux is provided by the Parker bound”, <FM> * ;7i75 cm-* sr-’ 
Note, 

s-1. 
this is not a predicted flux, it is only a firm upper bound to the 

flux. It is very likely that flux has to be even smaller, say < 10-l’ 
cmT2 sr-’ s-’ or even lo-” cm-* sr-1 s-‘. (6) There is every reason to 
believe that typical monopoles are moving with velocities (relative to 
us) of at least a few x lo-’ c. [Although it is possible that the 
largest contribution to the local monopole flux is due to a cloud of 
monopoles orbiting the sun with velocities = (1 - 2) x lo-* c, I think 
that it is very unlikely.09~L00] 
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LECTURE i: - INFLATION 

As I have discussed in Lecture 1 the hot big bang model seems to 
provide a reliable accounting of the Universe at ?east as far back as 
10-z set after ‘the bang’ (T 5 i0 MeV). There are, however, a number of 
very fundamental ‘cosmological facts’ which the hot big bang model by 
itself does not elucidate (although it can easily accomodate them). The 
‘nflationary Universe 
nodified by Linde,‘“’ 

paradigm, as originally proposed by Guth, ‘O’ and 
and Albrecht and Steinhardt,“’ provides for the 

first time a framework for understanding the origin of these 
cosmoiogical facts in terms of dynamics rather than j,Jst as particular 
initial data. AS we shall see the underlying mechanism of their solution 
is rather generic--the temporary abolition of particle horizons and the 
production of entropy, and while inflation iS the first realization of 
this mechanism which is based upon relatively veil-known physics 
(spontaneous symmetry breaking (SSB) phase transitions), it may not 
prove to be the only such framework. I will begin by reviewing the 
cosmological puzzles. and then will go on to discuss the new 
inflationary Universe scenario. 

Large-Scae Homogeneity and ISOtrOpY 

The observable Universe (d = H-’ = 102’ cm = 3000 Mpc) is to a high 
degree of precision isotropic and homogenous on the largest Scale3 (> 
100 Mpc). The best evidence for this is provided by the uniformity of 
the cosmic background temperature: AT/T < lo-’ (1 O-* if the dipole 
anisotropy is interpreted as being due to our peculiar motion through 
the cosmic rest frame: see Fig. 4.1). Large-scale density 
inhomogeneities or an anisotropic expansion would result in fluctuations 
in the microwave background temperature of a comparable size (see. e.g., 
refs. 104, 105). The smoothness of the observable Universe is puzzling 
if one wishes to understand it as a result of microphysical processes 
operating in the early Universe. As I mentioned in Lecture 1 the 
standard cosmology has particle horizons, and when matter and radiation 
last vigorously interacted (decoupling: t = 10” s, ? = l/3 eV) what wa; 
t0 become the presently observable Universe was comprised of = 10 
causally-distinct regions. Put slightly differently, the particle 
horizon at decoupling only subtends an angle of about 1/2O on the sky 
today; how is it that the microwave background temperStUre iS SO Uniform 
on angular scales >> 1/2O? 

Small-Scale Inhomogeneity 

As any astronomer will gladly tell you on small scales (5 100 Mpc) 
the Universe is very lumpy (stars, galaxies, clusters of galaxies, 
etc.). [Note, today 6p/p = 10’ on the scale of a galaxy.1 The Uniformity 
of the microwave background on very small angular scales (<<lo) 
indicates that the Universe was smooth, even on these scales at the time 
of decoupling (see Fig. 4.1). [The relationship between angle subtended 
on the sky and mass contained with’n the corresponding length 

j3 
scale at 

decoupling is: 8 = 1’ h(M/lO”Me)l .I Whence came the structure that iS 
so conspicuous today? Once matter decouples from the radiation and is 
free of the pressure support provided by the radiation, small 
inhomogeneities will grow via the Jeans (gravitational) instability: 
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sg/p cc ~tZ/’ CG 2 (in the linear regime). [If the ma33 density of the 
Universe is dominated by a collisionless particle species, e.g., a light 
relic neutrino species, or axions, density perturbations in these 
particles can begin to grow when the Universe 
~=33lo-~A ~- 

become3 matter-dominated, 

today for nhZ = 1 .I Density perturbations of amplitude 

jj/,, = :a-1 or so, On the scale of a galaxy (= iO12 X3) at. the time 
of decoupling seem to be required to account for the small-scale 
structure observed today. Their origin, their 
?ertUrbations should exist on scales other than 

spectrum (certainly 

(adiabatic or isothermal), 
10”MO), their nature 

ref. 
and the composition of the dark matter (see 

3) are all crucial questions for understanding the formation of 
struct-re, which to date remain unanswered. 

.?latness 

The quantity R 1 p,p 
the Zniverse 

measures the ratio of the energy 
to the critical energy density (p 

density of 

13 ?.ot dnown with great precision, 
5 few. Jzing Eqn. 

from Lecture F te’~~~Z’Pbet”~F~P”p” i 
1.5 R can be written a3 

R = l/(1 - x(t)), (4.la) 

x(t) = (k/R2)/(8nGp/3). (4.lb) 

Note that R is not constant,, but varies with time since x(t) = R(t)” (n 
= 1 - matter-dominated, or 2 - radiation-dominated). Since n = O(1) 
today, x 
nucle03y~?~~~~~Yatx~~~~~ ~~‘~eolh~‘n~~:a,i~p:i~~~~~~~~~~ ak!ethEFozt t:z 
Planck epoch: x 
on the 

ratio pifi 10 ” and Q jl 1 * O(~jO-“). That is, very early 

small, 
the curvatupi term to the density term was extremely 

or equivalently, the 
critical rate (Hz 

the expansion of the Universe proceeded at 
= 8nCp/3) to a very high degree of precision. Since 

x(t) has apparenfy+talways been < 1, 
in 

our Universe is today and has 
the past closely-described b; the k 

been 
- 0 flat model. iiere the ratio x 

not exceedingly small early on, the Universe would have either 
recollapsed long ago (k > O), 
ii = t.. 

or began its coasting phase (k < 0) where 
iIf zf< “,,indr”,a9N, -x1, then T = 3K for t = 300 yrs;ir ;5”,; 

smallness 
Universe is puzzling. 

required as an ‘initial condition’ 

101.106.1 
[The flatness puzzle has been emphasized in refa. 

Predominance of Matter Over Antimatter 

The Puzzle involving the baryon number of the Universe, and its 
attractive explanation by 8, C, CP violating interactions predicted by 
CUT3 has been discussed at length in Lecture 2. 

The Monooole Problem 

The glut of monopoles predicted in the standard 
monopole 

cosmology (‘the 
problem’ ) and the lack of a compelling solution (other than 

inflation) has been discussed in Lecture 3. 
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The Smallness of the Cosmological Conztant 

Keith the possible exception of. supersymmetry and supergravity 
theories, :he absolute scale of the effective potential V(e) is not 
determined in gauge theories !e = one or. more Higgs field). At lOU 
temperature3 V(a) is equivalent to a cosmological term (i.e., 
contribute3 Vg to the ztress energy of the Universe). The observed 
expansion ratg"of the Universe today (H = 50 - 100 km 3-l Mpc-') limits 
the total energy density of the Universe to be 5 o(lC~-~~ g cm-') = lo-*' 
GeV*. Thus empirically the vacuum energy of our T = 0 SU(3) x U(1) 
vacuum (= V(e) at the SSB minimum) must be < lo-*' CeV*. Compare this to 
the difference in energy density between the false (e = 0) and true 
vacua, = symmetry restoration temperature): for T = 
101* 

which is O(T;) (T, 
GeV, "SSB/'I('$ = 0) < lo-'02! At present there iS no 3atiZfacEOry 

explanation for the vanishingly small value of the T = 0 vacuum energy 
density (equivalently, the cosmological term). 

Today, the vacuum energy is apparently negligibly small and Seems 
‘LO play no significant role in the dynamics of the expansion of the 
Universe. If we accept this empirical determination of the absolute 
scale of V(O), then it follows that the energy of the false (e - 0) 
vacuum is enormous (' T;), and thus could have played a significant role 
in determining the dynamics of the expansion of the Universe. Accepting 
this very non-trivial assumption about the zero of the vacuum energy is 
the starting point for inflation (see Fig. 4.2). 

Generic New Inflation 

The basic idea of the inflationary Universe scenario is that there 
was an epoch when the vacuum energy density dominated the energy density 
of the Universe. During this epoch p = V = constant, and thus R(t) grows 
exponentially (a exp (Ht)), allowing a small, causally-coherent region 
(initial Size < H-i) to grow to a size which encompasses the region 
which eventually becomes our presently-observable Universe. In Cuth'8 
original scenario"', this epoch occurred while the Universe was trapped 
in the false (4 = 0) vacuum during a strongly first-order phase 
transition. Unfortunately, in models which inflated enough (i.e., 
underwent sufficient exponential expansion) the Universe never made a 
'graceful return' to the usual radiation-dominated FRW cosmology. "1 lo7 
Rather than discussing the original model and its shortcomings in 
detail, I will instead focus on the variant, dubbed ' new inflation', 
proposed independently by Linde"l and Albrecht and Steinhardt"'. In 
this scenario, the vacuum-dominated epoch occurs while the region Of the 
Universe in question is slowly, but inevitably, evolving toward the 
true, SSB vacuum. Rather than considering specific models in this 
section, I will discuss new inflation for a generic model. 

Consider a SSB phase transition which occurs at an energy scale MU. 
For T L T = M the symmetric (e = 0) vacuum is Favored, i.e., e - 0 1s 
the globalcminihum of the finite temperature effective potential ',('$) 
(- free energy density). AS T approaches Tc a second minimum develops at 
f$ f 0, and at T = T the two minima are degenerate. [I am assuming that 
this SSB transitiog is a First-order phase transition.] At temperature3 
below Tc the SSB (Q = o) minimum is the global minimum of v,('+) (see 
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I 

Fig. 4.1 Summary of measurements of the anisotropy of the 3K 
background on angular scales > 1’ (from refs. 112, 113). 

“b+“~-+ 
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Fig. 4.2 The finite temperature effective potentlal VT, for T > 

Tc; T = Tc; and T << Tc; here + - o is the SSB minimum of 
V. 



'ig. 4.2). iiowever, the Universe does not instantly make the transition 
“ram 7 = 0 to ‘$ = 0; the details and time required are a question of 
dynamics. [The scalar field e is the order parameter for the SSS 
transition under discussion; in the spirit of generality e might be a 
gauge singlet field or might have nontrivial transformation properties 
under the gauge- group, possibly even responsible for the SSB of the 
CUT.1 

Assuming a barrier exists between the false and true vacua, thermal 
fluctuations and/or quantum tunneling must be responsible for taking e 
across the barrier. The dynamics of this process determine when and how 
the process occurs (bubble formation, spinodal decomposition, etc.) and 
the value of @ after the barrier is penetrated. For definiteness suppose 
that the 
of Q is +o. 

barrier iS overcome when the temperature iS TMS and the value 
From this point the journey to the true vacuum is downhill 

(literally) and the evolution of e should be adequately described by the 
semi-classical equations of motion for $: 

5 + 3H$ + 1.6 + V’ = 0, (4.2) 

where $ has been normalized so that its kinetic term in the 
l/2 a $ap@, 

Lagrangian 
is 
subscript ? on V 

and prime indicates a derivative with respect to $. The 
has been dropped; for T << T the 

dependence of v 
temperature 

V) can be used. T 
can be neglected and the zero tempefz;E;e potential (a 

he 3H$ term acts like a frictional and arises 
because the expansion of the Universe 
energy of c( a R-) 

‘redshifts away’ the kinetic 
). The I’6 term accounts for particle creation due to 

the time-variation of e[ refs. 108-l lo]. The quantity r is determined by 
the particles which couple to .$ and the strength with which they 
(F-1 = 

couple 
lifetime of a $ particle). As usual, the expansion rate H is 

determined by the energy density of the Universe: (Hz - 8lrGp/3), with 

P = l/2 $2 + V($) + P,, (4.3) 

*here p represents the energy density in radiation produced by the time 
variatign of e. For TMS << T the original thermal component makes a 
negligible contribution to p. Thg evolution of p, is given by 

Ei, + 4Hp, = r;‘, (4.4) 

where the r$’ term accounts for particle creation by $I. 

In writing Eqns. 4.2-4.4 I have implicitly assumed that 4 is 
spat ially homogeneous. In some small region (inside a bubble or a 
fluctuation region) this will be a good approximation. The size of this 
smooth region 
horizon’, ,H-‘. 

will be unimportant; take it to be of order the ‘physics 
NOW follow the evolution of e within the small, smooth 

patch of size H-l. 

Q 
If V iS sufficiently flat somewhere between $ = q. and ,$ II (I, then 

will evolve very slowly in that region, and the motion of $ will be 
‘friction-dominated’ so that 3H$ = -V’ (in the slow growth phase 
particle creation is not important"O ). If V is sufficiently flat, then 
the time required for c to transverse the flat region can be long 
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compared 
H-’ . 

to the expansion timescalc H-l, say for definiteness, 
T$ = 100 

Q 
During this slow growth phase p = V(e) = V($ = 0); both pr and l/2 

*2 are << V(e). The expansion rate h is then just 

H = (8nV(0~~)-/3mp12) 1’2 (4.5) 

where V(O) is assumed to be of order M* 
exponentially: R = exp(Ht); for t = 100 H -F’ 

While H = constant R grows 

e”’ during the slow rolling peri 8 
R expands by a factor of 

d, and the physical size of the smooth 
region increases to e’OOH-‘. This exponential growth phase is called a 
deSitter phase. 

As the potential steepens, the evolution of c quickens. Near .$ - o, 
$ oscillates around the SSB minimum with frequency W: o’,= V”(o) = MS2 
>> H’ = MC’/m 
particle qf * As c oscillates about e = o its motion 

crea ion and the expansion of the Universe. If r 
‘7 damped by 

<< H , the 
coherent field energy density (V + l/2 0’) isconverted into radiation 
in less than an expansion time (At,, = r-l), and the patch is reheated 
to a temperature T = O(MS) - the vacuum energy is efficiently converted 
into radiation ( ’ good reheating’). On the other hand, if r-’ >> H-I, 
then $ continues to oscillate and the coherent field energy redshifts 
away with the expansion: (V + l/2 6’) = R-‘. [The coherent field energy 
behaves like nonrelativistic matter; see ref. 111 for more details.] 
Eventually, when t = r-l the energy in radiation begins to dominate that 
in coherent field osci lations, 

j 
and the patch is reheated to a 

temperature T = (f/H)’ ‘M 112 
evolution of c is SummarizedSin Fig. = (TmPQ3* 

<< MG (‘poor reheating’). The 

For the following discussion let us assume ‘good reheating’ (r >> 
ii). After reheating the patch has a physical size eloOHi-’ (= 10"cm for 
tiG = lo’* GeV), is at a temperature of order and in the 
approximation that e MF’ was initially constant throughou the patch, the 
patch is exactly smooth. From this point forward the region evolves like 
a radiation-dominated FRW model. How have the cosmoloaical conundrums 
been ‘explained’? First, the homogeneity and isotropy; our observable 
Universe today (= lo*’ cm) had a physical size of about 10 cm (= 102’cm x 
3K/lO’* GeV) when T was lOI* GeV. Thus it lies well within one of the 
smooth regions produced by the inflationary epoch. At this point 
the inhomogeneity puzzle has not been solved, since the patch is 
precisely uniform. Due to deSitter space produced quantum fluctuations 
in $, e is not exactly uniform even in a small patch. Later, I Will 
discuss the density inhomogeneities that result from the quantum 
fluctuation.? in $. The flatness puzzle involves the smallness of the 
ratio of the curvature term to the energy density term. This ratio is 
exponentially smaller after inflation: xafter - e-2o0 x before since the 

energy density before and after inflation is OCMZ;), while k/R2 has 

decreased 
exponentially (by e*” ). Since the ratio x is reset to an exponentially 
small value, the inflationary scenario predicts that today R should be 1 
i 9(10-a1G ). If the Universe is reheated to a temperature of order MG, 
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a 'baryon asymmetry can evolve in the ,csuai i a y , although the 
;uantitative details may be slightly different'9'"0. If the Universe i3 
not efficiently reheated (Tgh << M ), it may be possible for.ng/s to be 
produced directly in the decay of t e coherent fieid oscillatlonzf(which k 
oehave just l.ik e NR $ particles). This is an example very 
out-of-equilibrium decay (discussed in Lecture 2). in which case the 
"31s produced is = TRH/(m4 = W) and does not depend upon TPH being Of 
oraer lOI* GeV or so. In any case, it i3 absolutely necessary to have 
saryogenesis occur after reheating since any baryon number (or any other 
quantum number) present before inflation 13 diluted by a factor 

- the factor by which the total entropy increases. 
violated spontaneously, then E (and nBh) could 

nave a different sign in different patches--leading to a Universe which 
on the very largest scales (>> el"H-') is baryon symmetric. 

Since the patch that our observable Universe lies within was once 
s, at the beginning of inflation) causally-coherent, the Higgs tih;ldlz;uJt 
nave been aligned throughout the patch (indeed, this i3 
energy configuration), and ,h"s there iS likely to be < 1 monopole 
within the entire patch which was produced as a topological defect. 
The giut of monopoles which occurs in the standard CosmOlOgY does not 
occur. [The production of other topological defects (such as domain 
walls, &) is avoided for similar reasons.] As discussed in Lecture 3, 
some monopoles will be produced after reheating in rare, very energetic 
particle collisions. The number produced is expone.ntially small and 
exponentially uncertain. [In discussing the resolution of the monopole 
problem I am tacitly assuming that the SSB of the GUT is occurring 
during the SSB transition in question, or that it has already occurred 
in an earlier SSB transition: if not then one has to worry about the 
monopoles produced in the subsequent GUT transition.] 

The key point is that although monopole production is intrinsically 
small in inflationary models, the uncertainties in the number of 
monopoies produced are exponential. Of course. it is also possible that 
monopoles might be produced as topological defects in a subsequent phase 
transition"', although it may be difficult to arrange that they not be 
overproduced. 

Finally, the inflationary scenario sheds no light upon the 
cosmological constant puzzle. Although it can potentially successfully 
resolve ali of the other puzzles in my list, inflation is, in some 
sense, a house of cards built upon the cosmological constant puzzle. 

Density Inhomogeneities 

Before I discuss the production of density inhomogeneities during 
the inflationary transition I will briefly review some of the 'Standard 
Lore'. CA more thorough and systematic treatment of the subject can be 
found in ref.lO5.1 

A density perturbation is described bY its wavelength A or its 
wavenumber kc= Zn/h), and its amplitude 6P/P (P = average energy 
density). As the Universe expands the physical (or proper) wavelength of 
a given perturbation also expands; it is useful to scale out the 
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I 44 
w 

?ip >> H-' 

w 

<< H-' *t 

INFLATE REHEAT 

Fig. 4.3 The tlme evolution of #. During the slow growth phase 
the time required for $ to change appreciably is‘ >> H-‘. 
As the potent&$ steepens .$ evolves more rapidly 
(timescale << H ‘1, eventually oscillating about the SSB 
minimum. Particle-creation damps the oscillations in a 
time = l- ’ (<<H I, if f>>H,as shown here) reheating the 
patch to T = q lnCMG, (rmpl)l ‘1. 

SPlP 

i 

GALAXY 10% 1013S 

Fig. 4.4 Evolution of a galactic mass adlabatlc density 
perturbation. 



expansion 30 that a part icular perturbation iS always labeled by the 
same COmOving wavelength A 
iR(t) is often 

3 A/R(t) or comoving wavenumber k = 
normalizgd so that R 

iFi(t). 
= 1 .I Even aore cgmion is to 

label a perturbation by the comoving bZ9$4;n mass (or total mass in 
nonreiativistic particles if 0 ' 'TOT) within a half wavelength M = nA3 
nBmN/6 (nB = netbaryon numberbdensity, mN = nucleon mass). 

The relative sizes of A and H-l (= 'physics horizon' and particle 
norizon also in the standard cosmology) are crucial for determining the 
evolution of 6p/p. When A < H-l (the perturbation is said to be inside 
the horizon) microphysics can affect the perturbation. If A > XJ = vsH-' 
:physically AJ, the Jeans length, is the distance a pressure wave can 
propagate in an expansion time: v = sound speed) and the Universe is 
matter-dominated, then 6p/p grows 0: z2" = R. Perturbations with A < 
oscillate as pressure-supported sound waves (and may even damp). 

AJ 

When a perturbation is outside the horizon (A > H-') the situation 
is a bit more complicated. The quantity 6p/p is not gauge-invariant; 
when A < H-' this fact creates no great ~difficulties. However when A > 
H-l the gauge-noninvariance is a bit of a nightmare. Although Bardeen"' 
has developed an elegant gauge-invariant formalism to handle density 
perturbations in a gauge-invariant way. his gauge invariant quantities 
are not intuitively easy to understand. I will try to give a brief, 
intuitive description in terms of the gauge dependent, but more 
intuitive quantity &p/p. Physically, only real, honest-to-God wrinkles 
in the geometry (called curvature fluctuations or adiabatic 
fluctuations) can 'grow'. In the synchronous gauge (g,, = -1, g,. - 0) 
60/P for these perturbations grows 01 t" (n - 1 - radiation domi:ated. = 
213 - matter dominated). Geometrically, when A > H-' these perturbations 
are just wrinkles in the space time which are evolving kinematically 
(since microphysical processes cannot affect their evolution). Adiabatic 
perturbations are characterized by &P/P f 
isothermal perturbations (which do not grow 

0 and 5(nB/s) = 0; while 
outside the horizon) are 

characterized by 6p/p = 0 and 6(nB/s) f 0. [With greater generality 
a(n 13) can be replaced by any spatial perturbation in the 

! 
equation of 

sta e 6P/P. where P = P(P, . . . ).I In the standard cosmology H-' a t 
grows monotonically; a perturbation only crosses the horizon once (see 
Fig. 4.5). Thus it should be clear that microphysical processes cannot 
Create adiabatic perturbations (on scales 2 H-' ) since microphysics only 
operates on -1 scales < H . In the standard cosmology adiabatic (or 
curvature) perturbations were either there ab initio or they are not 
present. Microphysical processes can create isothermal (or pressure 
perturbations) on scales > H-' (Of course, they Cannot grow 
H-l). 

until A < 
Fig. 4.4 shows the evolution of a galactic mass (= 10"Mg) 

adiabatic perturbation: for t ( 10e s, A > H-' and 6p/p 0: t; for 10" 9 
2 t 1 10' 3, A < H-' and 6p/p oscillates as a sound wave Since matter 
and radiation are still coupled (vs = c) and hence AJ = H-'; for t L 

10'3 5, A < H-' and bp/p = t2" since matter and radiation are decoupled 

("s << c) and AJ < AGalaxy. [Note: in an q - 1 Universe the mass inside 

the horizon = (t/sec)"ZMg.] 
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Finally, at this point it should be clear that a convenient epoch 
to specify the amplitude of a density perturbation is when it crosses 
the horizon. It is often supposed (in the absence of knowledge about the 
origin of perturbations) that the spectrum of fluctuations is a power 
law (i.e., no preferred scale): 

(6P/P)H I CM-‘. 

If a > 0, then on some small scale perturbations will enter the horizon 
with amplitude >- O(l)--this leads to black hole formation; if this scale 
1z ? 10” g (mass of a black hole evaporating today) there will be too 
many black holes in the Universe today. On the other hand, if o < 0 then 
the Universe becomes more irregular on larger scales (contrary to 
observation). In the absence of a high or low mass cutoff, the G - 0 
(so-called Zel’dovich spectrum* I6 ) of density perturbations seems to be 
the only ‘safe’ spectrum. It has the attractive feature that all scales 
cross the horizon with the same amplitude (i.e., it is scale-free). Such 
a spectrum is not required by the observations; however, such a spectrum 
with amplitude of O(lO-*) probably leads to an acceptable picture of 
galaxy formation (i.e., consistent with all present 
observations--microwave background fluctuations, galaxy correlation 
function, etc. ; for a more detailed discussion see ref. 3.) 

Origin of Density Inhomogeneities in the New Inflationary Universe 

The basic result is that quantum fluctuations in the scalar field e 
(due to the deSitter space event horizon which exists during the 
exponential expansion (inflation) phase) give rise to an almost 
scale-free (Zel’dovich) spectrum of density perturbations of amplitude 

(6P/P)H = (4 or 2/5)H Aa/;( (4.6) 

where 4 applies if the scale in question reenters the horizon when the 
Universe is radiation-dominated and (6p/pjH is then the amplitude of the 
sound wave; 215 applies if the scale in question reenters the horizon 
when the Universe is matter-dominated and (6p/p)g is then the amplitude 
of the growing mode perturbation at horizon crossing; H is the value of 
the Hubble parameter during inflation; $(t,) is the value of & when the 
perturbation left the horizon during the deSitter phase; and A+ = H/2n 
is the fluctuation in e. This result was derived independently by the 
authors of refz. 117-120. Rather than discussing the derivation in 
detail here, I will attemptto physically motivate the result. This 
result turns out to be the most stringent constraint on modelz~of new 
inflation. 

The crucial difference between the standard cosmology and the 
inflationary scenario for the evolution of density perturbations is that 
H-’ (the ‘physics horizon’) is not strictly monotonic; during the 
inflationary CdeSitter) epoch it is constant. Thus, a perturbation can 
cross the horizon (A - H-l) twice (see Fig. 4.5)! The evolution of two 
scales (A 

!2 
- galaxy and A 

Fig. 4.5. Y 
= presently observable Universe) is shown in 

arlier than t, 
(quantum fluctuations, 

time when XS = H ‘) Xc < H-’ and microphysics 
etc.) can operate on this scale. When t = t, 

microphysics ‘freezes out' on this scale; the density perturbation which 
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HELLO AGAIN! 

I / I I / 
t DESITTER ’ tRH t, FRW LOG(R) 

Fig. 11.5 The evolution of the ‘physics horizon’ (= H-‘1 and the 
physical sizes of perturbations on the scale of a galaxy 
(X ) and on the scale of the present observable UniVerSe 

(AC). Reheating occurs at t - t 
Rt! 

. For referenCe ;; 
ev%lution of e la also shown. The bro en line shows 
evolution of H-’ in the standard cosmology. In the 
inflationary cosmology a perturbation crosses the horizon 
twice, which makes it possible for causal microphysics 
(in this case, quantum fluctuaions in 0) to produce 
large-scale density perturbations. 

Fig. 4.6 The ‘prescribed potential’ for successful inflation. 
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exists on this scale, say (~P/P),, then evolves ‘kinematically’ until it 
reenters the horizon at t 3 tH (during the 
radiation-dominated FRW phase) with amplitude (6~1~)~. 

subsequent 

DeSitter space is exactly time-translationally-invariant; the 
inflationary epoch is approximately a deSitter phase - @ is almost, but 
not quite constant (see Fig. 4.3). [In desitter space p + p - 0; 
inflation p + p = $* 

during 
.I This time-translation invariance is crucial; as 

each scale leaves the horizon (at t - 
microphysics 

t,) 6pYp on that scale is fixed by 
(6P/P) Because of the 

(approximate) t~~e-t~~nzl~~?~n I~~~~P~nc~“!; the inflationary phase this 
value (6p/p), is (approxmately) the same for all scales. [Recall H, e, 0 
are all approximately constant during this epoch, and each scale has the 
same physical size (= H-I ) when it crosses outside of the horizon.1 The 
precise value of (6p/p), is fixed by the amplitude of the quantum 
fluctuations in e on the scale H-i; 
(the 

for a free scalar field A$ = H/2n 
Hawking temperature). [Recall, during inflation V’ ’ (’ the 

effective mass-squared) is very small.] 

While outside the horizon (t, < t < t,) a perturbation evolves 
‘kinematicaliy’ (as a wrinkle in the geometry); viewed in some gauges 
the amplitude changes (e.g., the synchronous gauge). while in others 
(e.g., the uniform Hubble constant gauge) it remains constant. However, 
in all gauges the kinematic evolution is independent of scale 
(intuitively this makes sense since this is the kinematic regime). Given 
these ’ two facts’ : (6P/P), = scale-independent and the kinematic 
evolution = scale-independent, it follows that all scales reenter the 
horizon (at t - 
Eqn. 4.6. Not 

tH) with (approximately) the same amplitude, given by 
only is this a reasonable spectrum (the Zel’dovich 

spectrum); but this is one of the very few instances that the spectrum 
of density perturbations has been calculable from first principles. [The 
fluctuations produced by strings are another such example, see, e.g. 
ref. 121; however, in a string scenario without inflation the 
homogeneity of the Universe must be assumed.] 

Coleman-Weinberg SU(5) Model 

The first model of new inflation’0’*‘03 studied was the 
Coleman-Weinberg SU(5) model, with T = 0 effective potential 

V(c) = l/2 Bo* + Be*CLn(e2/02) - 1121, (4.7) 

= l/2 Bob - X($)$lC (+<<a) 

where 4 is the 24 dimensional field responsible for GUT SSB, e IS the 
magnitude of 0 in the SU(3) x SU(2) x U(1) SSB direction, B - 25g’/256n2 
(g = gauge coupling constant), 0 = 1.2 x 10” CeV, and for $ = 10’ GeV, 
A($) = 0.1. [V may not look familiar; this is because e is normalized so 
that its kinetic term is l/2 4’ rather than the usual (15/4)‘$‘.1 
Albrecht and Steinhardt” showed that when T = 10’ - 10’ GeV the 
metaztability limit is reached, and thermal fluctuations drive e over 
the T-dependent barrier (height = T*) in the finite temperature 
effective potential. Naively, one expects that e0 = T since for $ << 0 
there is no other scale in the potential (this izMz point to which I 



will return). The botential is sufficiently flat that the approximation 
t )H+ = -v’ is valid for e << e, and i 

($/H)’ = (3/21)CH(~~ - t)l-‘9 

= (3/2X)<H/$,)2 (recall T 
of the potential). Phy% 

of R which 0CC”r during in 
homogeneity-isotropy and flatness 

follows that 

(4.8) 

,i 
If 

= time it takes @ to traverse the 
tally, HT 
lation, 

~ is the number of e-folds 
which to solve the 

puzzles must be L O(60). For this 
model H = 7 x 10’ GeV; setting o. = 10’ - i09 GeV results in HT = 
0(500-50000) - seemingly more than sufficient inflation. @ 

There is however. a very basic problem here. Eqn. 4.8 is derived 
from the semi-classical equation of motion for $ [Eqn. 4.11, and thus 
only makes sense when the evolution of $ is ‘classical’, that is when 
m”A$QM (- quantum fluctuations in $). 
quantum fluctuations is set by H: A$ 

In deSitter space the SCale,Of 
= H/Zn (on the length scale H 

Roughly speaking then, Eqn. 4.8 Q?s only valid for $>>H. Howeve:: 
sufficient inflation requires Go < H. Thus the Coleman-Weinberg model 
seems doomed for the simple reason that all the important physics must 
occur when o ( basically the conclusion reached by 
Linde”’ and who have analyzed these effects 
carefully. Note that by artificially reducing ,J by a factor of 10-100 
sufficient inflation can be achieved Q. >> H (i.e., the potential 
becomes sufficiently flat that the classical part of the’evolution. 4 >> 
H, takes a time 2 60 H-l.). In the Coleman-Weinberg model f >> H and the 
Universe reheats to T = MG = loI* GeV. 

Let’s ignore for the moment the difficulties associated with the 
need to have $. < H, and examine the q 
Combining Eqns. 4.6 and 4.8 it fOllOWS t 

(6P/PjH = (4 or 2/5)100A1’2Cl + in 

+ en(go/lo’~ GeV)/571”z 

uestion of density fluctuations. 
hat 

M/10’*MQ)/171 (4.9) 

where M is the comoving mass withi ” the perturbation. Note that the 
spectrum is almost, but not quite scale-invariant (varying by less than 
a factor of 2 present horizon mass). Blindly 
plugging in A = 0.1, which is clearly a 
disaster. Con angular scales >> 1 o !he Zel’dovich spectrum results in 
temperature fluctuations of”* AT/T = 1/2(6p/p) which must be < lo-* to 
be consistent with the observed isotropy.] To 0 tain perturbations Of an i 
acceptable amplitude one must artificially set X = lo-*’ Or SO. [In an 
SU(5) GUT A is 
implies A = 

determined by the u,‘;;,;f o UT = g2!4r = ;{;5cu;:;;; 
0.1.1 As mentioned tf;e denslty 

constraint is a very severe one; recall that A = lo-’ - lo-’ would solve 
the difficulties associated with the quantum fluctuations in 4. TO say 
the least, the Coleman-Weinberg SU(5) model seems untenable. 

Lessons Learned--A Prescription for Successful New Inflation 

Other models for new inflation have been studied, including 
supersymmetric models which employ the inverse hierarchy scheme,“* 
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supersymmetrie/supergravity models’**-l~s and just plain CUT modelsL2’ 
!Jo model has led to a completely satisfactory new inflationary scenario, 
some failing to reheat sufficiently to produce a baryon asymmetry, 
others plagued by large density perturbations, etc. Unlike the situation 
with ‘old inflation’ a few years ago, the situation does not appear 
hopeless. The early failures have led to a very precise prescription for 
a potent ial which will successfully implement new inflation.‘** Among 
the necessary conditions are: 

(1) A flat r.egion where the motion of e is ‘friction-dominated’, 
G, term negligible so that 3R - -VI. This i.e., g term 
so that 3H6 = -VI. 

negligible 
This requires an interval where V” <- 9H’. 

(2) Denote the starting and ending values of e in this. interval by 
Q and e0 respectively (note: 0, must be 1 e 1. The length of the 
lzterval should be much greater than H (which sets ?he scale of quantum 
fluctuations in e): e >> H This insures that quantum fluctuations 
will not drive e acrogs-t!g flat-region too quickly. 

(3) The time required for e to traverse the flat region should be >- 
60 H-’ (to solve the homogeneity-isotropy and flatness problems). This 
implies that 

IHdt = -iie (3H* d$/V’) 2 60. 
S 

(4.10) 

(4) In order to achieve an acceptable amplitude for density 
fluctuations, (6~1~)~ = Hali( 0 must be = lO* H’ when a galactic 
size perturbation crosses outside the horizon. This occurs about 50 
Hubble times before the end of inflation. 

(5) Sufficiently high reheat temperature so that the Universe is 
radiation-dominated at the time of primordial nucleosynthesis (t = lo-’ 
- 102 set; T = 10 MeV - 0.1 MeV), and so that a baryon-asymmetry of the 
correct magnitude can evolve. As discussed earlier, the reheat 
temperature is: 

TRH = minlMG, (fmpl) 112) ; (4.11) 

this must exceed minIlO MeV. TB), where TR is the smallest reheat 
temperature for which an acceptable baryon asymmetry will evolve. 

(6) The potential be part of a ‘sensible particle physics’ model. 

These conditions and a few others which are necessary for a 
successful implementation of new inflation are discussed in detail in 
ref.128. Potentials which satisfy all of the constraints tend to be very 
flat (for a long run in $1, and necessarily involve fields which are 
very weakly coupled (self couplings ( lo-“; see Fig. 4.6). To insure 
that radiative corrections do not spoil the flatness it is almost 
essential that the field e be a gauge singlet field. 



.Zoncluding Remarks 

New inflation is an extremely attractive cosmological program. It 
has the potentiai to 1 free’ the present state of the Universe (on scales 
it. least as large. as 10Z8 cm) from any dependence on the initial state 
3f the Universe, in that the current state of the observable Universe in 
these models depends only upon microphysical processes which occurred 
very early on (t 5 JO-~‘S). [I should mention that this conjecture of 
‘Cosmic Rald”eSS”*P is still just that; it has not been demonstrated 
that starting with the most general cosmological solution to Einstein’s 
equations, there exist regions which undergo sufficient inflation. The 
conjecture however has been addressed perturbatively; pre-inflationary 
perturbations remain constant in amplitude, but are expanded beyond the 
present horizon”’ and “either shear “or negative-curvature can prevent 
inflation from occurring”‘.] 

At present there exists no completely successful model of new 
inflation. However, one should not despair, as I have just described, 
Znere does exist a ciear-cut and straightforward prescription for the 
desired potential (see Tig. 4.6). Whether one can find a potential which 
fits the prescription ana also predicts sensible particle physics 
remains to be seen. If such a theory is found, it would truly be a 
monumental achievement for the Inner Space/Outer Space connection. 

Now for some sobering thoughts. The inflationary scenario does not 
address the issue of the cosmological constant; in fact, the small value 
of the cosmological constant today is its foundation. If some relaxation 
mechanism is found to insure that the cosmological constant is always 
small, the inflationary scenario (in its present form at ieast) would 
vanish into the vacuum. It would be fair to point out that inflation is 
not the only approach to resolving the cosmological puzzles discussed 
zoove. The homogeneity, isotropy, and inhomogeneity puzzles all involve 
Lhe apparent smallness of the horizon. Recall that computing the horizon 
distance 

dx = R(t) I; dt’/R(t’) (4.12) 

requires knowledge of R(t) all the way back to t - 0. If during an early 
epoch (t < 10-*~ s?) R increased as or more rapidly than t (e.g. tie’), 
then dH + m. eliminating the ‘horizon constraint’. The monopole and 
flatness problems can be solved by producing large amounts of entropy 
since both problems involve a ratio to the entropy. Dissipating 
anisotropy and/or inhomogeneity is one possible mechanism for producing 
entropy. One alternative to inflation is Planck epoch physics. Quantum 
gravitational effects could both modify the behavi our of R(t) and 
through quantum particle creation produce large amounts of entropy [See 
e.g., the recent review in ref. 1321. 

of the key 
O(1 O-“‘) and 

‘predictions’ of the inflationary scenario, Cl - 1 F 
scale-invariant density perturbations, are such natural 

and compelling features of a reasonable cosmological model, that their 
ultimate verification (my personal bias here!) as cosmological facts 
will shed little light on whether or not we live in an inflationary 
Universe. Although the inflationary Universe scenario is not the only 
game in town, right now it does seem to be the best game in tow”. 
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Due to the brevity of this course in particle physics/cosmology 
there are many important and interesting topics which I have not covered 
(some of which are discussed in refs. l-3). I apologize for any 
omissions and/or errors I may be guilty of. I thank my collaborators who 
have allowed me to freely incorporate material from co-authored works; 
they include E. W. Kolb, P. J. Steinhardt, G. Steigman. D. N. Schramm, 
K. Olive and J. Yang. This work was supported in part by the DOE (at 
Chicago and Fermilab). NASA (at Fermilab), and an Alfred P. Sloan 
Fellowship. 
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